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Izvleček
Narava delcev temne snovi je dandanes ena največjih ugank v fiziki. Detekcija
sevanja gama (izmerjeno na primer s satelitom Fermi LAT NASA) predstavlja še
posebej močan način za preizkušanje enega najbolj priljubljenih kandidatov fizike
delcev za opis temne snovi, WIMP. Ob tem je potrebno za preizkušanje fizikalnih
lastnosti omenjenih delcev s sevanjem gama poznati zgoščenost temne snovi vzdolž
smeri gledanja. V tem delu uporabljamo najnovejše znanje pridobljeno s pomočjo
večdelčnih kozmoloških simulacij temne snovi, da z njim posodobimo napovedi sig-
nala sevanja gama, ki prihaja iz anihilacije temne snovi v vseh halojih temne snovi
pri vseh rdečih premikih, tako imenovani - kozmološki signal temne snovi. To delo
je del trenutnih prizadevanj Fermi LAT kolaboracije za posodobitev iskanja koz-
mološkega signala temne snovi, ki je bilo nazadnje izvedeno leta 2015.
V uvodnih poglavjih pregledamo osnove ΛCDM standardnega modela kozmologije,
teoretični opis zgoščevanja temne snovi in možnosti temne snovi za sevanje gama
svetlobe. V nadaljevanju se osredotočimo na izračun prispevka temne snovi k
signalu sevanja gama, tako imenovani množitelj toka ζ. Opišemo dva različna
pristopa za izračun njegove vrednosti - pristop spektra moči in pristop halo mod-
ela. Razpravljamo o tehničnih vidikih obeh pristopov in opišemo količine, ki so
uporabljene v posameznem pristopu z namenom izboljšanja obstoječih rezultatov z
uporabo posodobljenih funkcij, ki so postale na voljo od zadnje objave leta 2015.
V okviru pristopa s halo modelom pripravimo enačbe za ponovno oceno teoretično
napovedanega signala temne snovi, ki je odvisen od zgoščevanja temne snovi in
njene porazdelitve po Vesolju, ter pridobimo prve rezultate. V okviru pristopa
spektra moči izmerimo spekter moči iz polne simulacije Lomonosov in primerjamo
naše rezultate s spektrom moči izmerjenim z uporabo simulacij Millennium in Mil-
lennium II.
Ključne besede: kozmologija, temna snov, spekter moči, halo model
PACS: 98.80.-k, 95.35.+d

Abstract
The nature of dark matter particle is one of the biggest puzzles in physics today.
Gamma-rays (as measured by e.g. Fermi LAT NASA satellite) are particularly
powerful ways to test one of the most popular particle physics proposal, WIMPs.
However, to test particle physics properties via gamma-rays, dark matter clustering
along a line of sight needs to be known. In this work we use the latest knowledge
from N-body simulations of DM clustering to update the predictions of gamma-ray
signal from dark matter annihilation in all dark matter halos at all redshifts, the
so-called cosmological dark matter signal. This works makes part of the ongoing
work within the Fermi LAT collaboration, which aims to update the search for the
dark matter cosmological signal, previously performed in 2015.
In the introductory chapters we review the basics of the ΛCDM standard model
of cosmology, the physics of DM clustering and its potential gamma-ray signals. We
then focus on the calculation of the DM clustering contribution to the gamma ray
signal, the so called flux multiplier ζ. We describe the two different approaches to
calculating its value - the Power Spectrum approach, and the Halo Model approach.
We discuss the technical aspects of both approaches and describe the quantities used
in each of them with the aim to improve the existing results by using the state-of-art
value for different functions, which became available since the last work in 2015. In
the context of the halo model approach we prepare the machinery to re-evaluate
theoretical prediction of DM signal that depends on DM clustering and derive the
first results. In the context of the power spectrum approach, we measure the power
spectrum of the full-box Lomonosov simulation and compare our results with the
power spectrum measured of the Millennium and Millennium II simulations.
Keywords: cosmology, dark matter, power spectrum, halo model
PACS: 98.80.-k, 95.35.+d
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Chapter 1
Introduction
The search for the so called Dark Matter (from here on DM) has been an important
endeavor of particle physics as well as astrophysics and cosmology, ever since the
1930’s when scientists first observed that there is more mass in the Universe than
what can be accounted for by the visible objects. A lot of progress has since been
made in this field, which required an interdisciplinary approach.
The methods used in the search for DM particles depend on our understanding
of DM’s properties. Theoretical particle physics provides us with models of possible
interactions of DM particles with Standard Model (SM) particles, proposing particle
candidates for DM, describing their annihilation and decay products, possible mass
range, etc., while understanding the evolution of our Universe gives us information
on the distribution of DM throughout the Universe. Indirect search experiments
measure fluxes of astrophysical messengers (charged cosmic rays, gamma-rays or
neutrinos) and compare them with the expected values calculated for astrophysical
emission as well as the contribution expected from DM particles (within a particular
model of DM interactions with its self and SM particles).
Gamma-rays are one of the most promising means to search for DM signals, as
they travel through the Universe in a straight line, allowing one to look at different
astrophysical targets. Together with the Galactic center, which has the highest ex-
pected gamma-ray signal and strong astrophysical backgrounds, and dwarf satellite
galaxies of the Milky way, which are expected to have less bright signal but also
no astrophysical background, the cosmological signal of DM annihilation is one of
the most competitive means to study the nature of DM particles. The cosmological
DM signal originates in a cumulative emission from DM annihilation at all redshifts,
therefore reaching Earth in a form of an (in the first approximation) isotropic sig-
nal1. In order to constrain particle physics properties of a DM gamma-ray signal one
has to calculate the enhancement of the signal that comes from increased density of
DM in the centers of halos, i.e. one needs a detailed description of the clustering of
DM. The biggest uncertainties on current predictions of DM clustering come from
DM clustering properties at very small scales, as this is where the simulations are
limited by their resolution. The isotropic gamma-ray emission, as measured by the
Fermi LAT satellite [1], was used already to set competitive constraints on DM an-
nihilation cross section, in a series of papers, with the most recent one being [2], here
after referred to as FermiCosmo2015. Since 2015 the Fermi LAT almost doubled its
1Note that there are fluctuations around the mean isotropic signal, which are physically mean-
ingful and can themselves be used to study the DM signal.
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data, as well as improved the modeling of astrophysical backgrounds. In addition
to experimental improvements, theoretical work on DM clustering has also made
progress, which is why there is an effort within the Fermi LAT collaboration to re-
evaluate the DM limits by using the whole data sets and theoretical improvements.
This thesis makes part of this effort, as it focuses on the theoretical description of
DM clustering and aims to update predictions for DM signal, based on the state-of
the art results from N-body cosmological simulations.
More specifically, the DM density distribution can be numerically calculated by
analyzing the N-body simulation data, with the analysis done in the real or Fourier
space, giving rise to two different theoretical approaches to describing the results
of the simulations - the Halo Model (HM) approach, and the Power Spectrum (PS)
approach. Since both approaches relay heavily on the results of N-body cosmolog-
ical simulations, their accuracy is limited by the resolution of the used numerical
simulation, which is in general orders of magnitude worse than the predicted scales
of the smallest structures that DM is expected to form.
The original idea for the thesis was to focus only on the PS approach, but as an
opportunity arose to spend nine months for research at the Observatory of Trieste,
Italy, under the StudyInItaly program, the project extended to include also the HM
calculation. In this work we will therefore prepare the machinery to re-evaluate the-
oretical prediction of DM signal that depends on DM clustering and derive the first
results. In particular, in the PS approach we will start collecting publicly available
outputs from new-generation high-resolution N-body simulations and measure the
PS, by adapting an existent code, down to the relevant scales. In the HM approach,
we will write an independent code to perform the relevant calculations, with the
goal to compare the results obtained by using the parameters in FermiCosmo2015
paper with the one obtained by using the state-of-the-art knowledge, which will be
used for the future Fermi LAT publication.
We begin Ch. 2 by describing the basics of the ΛCDM standard model of cos-
mology, such as the Cosmological Principle, the equations governing the evolution of
the expanding universe, etc., and then continue on with an outline of the history of
our Universe, and the evidence for DM. In Ch. 3 we discuss one of the most popular
DM particle candidates, WIMPs, and the relic abundance argument, as well as dif-
ferent possible detection experiments used is the search for DM, with the emphasis
on the indirect searches. We focus on the indirect search for DM using gamma-rays
in Ch. 4. We present the Fermi satellite experiment and detector, and continue with
a discussion on possible targets for indirect search for DM via Gamma-rays. The
formula used to calculate the cumulative extra-galactic gamma-ray flux is presented,
as well as the DM constraints from the isotropic emission, and the future prospects
of the indirect searches for DM via gamma-rays. In Ch. 5 we describe the theory
of structure formation, starting with a brief description of initial perturbations in
the matter density originating from inflation. We continue to the linear theory of
structure formation and the statistical properties of the matter density distribution
in the Universe. We then move on to the theory of nonlinear structure formation,
where we focus our discussion on a very simple model of nonlinear perturbation
growth, the spherical collapse model, and we arrive to a definition of a DM halo by
the end of that chapter. Ch. 6 is intended to give a more detailed explanation of the
HM and PS approach. After that we use the two approaches to calculate our own
results, which are in the case of the HM approach shown and in detail explained in
14
Ch. 7, and in the case of the PS approach in Ch. 8. We summarize our work and
discuss next steps in Ch. 9.
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Chapter 2
The ΛCDM cosmology
The ΛCDM cosmological model is a standard model of the Big Bang Cosmology.
The name ΛCDM cosmological model indicates that model describes the universe
which contains Cold Dark Matter (CDM) and dark energy (denoted by Λ). The
word cold in Cold DM tells us that the velocities of DM particles are small enough
in comparison to the speed of light to call DM particles non-relativistic.
In this chapter we will go through some of the basics of Standard Cosmology.
We will start in Sect. 2.1 with the Cosmological Principle, and then move on to
the Robertson-Walker metric which describes the metric of an expanding universe
in Sect. 2.2. In Sect. 2.3 we will discuss the equations governing the evolution of
an expanding universe and define the Friedmann-Lemaître-Robertson-Walker model
of the Universe. We will present the Hubble-Lemaître law in Sect. 2.4, and derive
the expression for the cosmological redshift in Sect. 2.5. We will define the current
values of density parameters in Sect. 2.6. In Sect. 2.7 we discuss the comoving
distance and the notion of a horizon, and then continue on with an outline of the
history of our Universe in Sect. 2.8, and the evidence for DM in Sect. 2.9.
2.1 The Cosmological Principle
The Cosmological Principle is a principle which states that the distribution of mass
or energy in the universe is homogeneous and isotropic to a very good approximation,
when looking at large enough scales. This assumption is based on observational
evidence, with one of the most important observational proofs for isotropy being
the isotropy of the cosmic microwave background (CMB).
The Cosmological Principle is closely intertwined with the Copernican principle,
which states that no point or observer in the Universe is in any way special. This
principle in its core carries the basis for the idea of homogeneity and isotropy. If no
observer has a special place in the Universe, the properties of the Universe which
each observer sees, should be the same for all of them. The distribution of matter
and energy in the Universe therefore should not have a preferred direction or a
special point of preference. It is important to stress that these two properties apply
to the Universe on large enough, or global scales, as homogeneity and isotropy are
only statistical properties of the Universe and they hold best when one averages over
very large distances. It is clear that the Universe is not entirely homogeneous at the
scales of our Solar system or at scales of galaxies or even galaxy clusters. In fact,
the Universe at such scales is highly non-homogeneous and it exhibits high levels of
17
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clumpiness, with certain regions being extremely dense and others almost entirely
empty. It is assumed that at scales of about 100 Mpc to 400 Mpc, the clumpy
nature of the Universe gradually changes into a network of clusters and filaments,
also called the large scale structure (LSS) of the Universe. After averaging the
special distribution of matter and energy over scales of this size, the distribution
seems to be homogeneous up to within a few percent. The similar is true in the
case of isotropy. If we look in a specific direction in the sky, we see statistically
the same distribution of matter or energy as in any other direction, when looking
deep enough into space and taking into account large enough angular scales. The
measurements of the cosmic microwave background or the CMB tell us that the
Universe is isotropic up to a remarkable 11 parts in 106, after accounting for the
measured anisotropy coming from Earth’s movement through space.
Mathematically, homogeneity and isotropy mean invariance under translations
and rotations, respectively. This gives a rough framework for mathematical descrip-
tion of the dynamics and the evolution of the Universe, defining properties of the
corresponding metric of the space-time and physical laws that apply. We will discuss
this in more detail in the next sections of this chapter.
2.2 The Robertson-Walker metric
The metric of space-time is a very important and fundamental quantity in general
relativity, as it describes the geometry of the universe and defines the physical
distance between two points. In a three-dimensional Euclidean space the distance
between two points is defined simply by the Pythagoras’ Theorem
ds2 = dx2 + dy2 + dz2. (2.1)
In the case of an uniformly expanding space, the distance between two points grows
with time,
ds2 = a2(t) ·
(
dx2 + dy2 + dz2
)
, (2.2)
where a(t) denotes the expansion rate. The coordinates x, y and z are the comoving
coordinates, meaning that they are not changing together with the expansion of
space. In case the objects aren’t moving with respect to the local matter, the
comoving distance between two objects stays the same. This is however not the
case for the physical distance, which grows as the space expands.
Let’s discuss the concept of the comoving observers. If an observer is moving
through space relative to another observer, which is standing still, the universe no
longer appears isotropic to both of them at the same time. This is, moving through
the local matter around the first observer creates an anisotropy in the direction of
the movement, making it appear as if the universe has a prefered direction in the
direction of the observer’s velocity. In order to define a homogeneous and isotropic
picture of the universe, we should therefore define a comoving observer, which will
help us define the metric of such space-time. Comoving observers are observers which
move together with their local flow of matter, meaning they are seeing the universe
as isotropic in all directions and we can define the metric in their restframe gµν =
diag(−1, 1, 1, 1). We can define the coordinates x = (x0, x1, x2, x3) = (ct, χ, θ, ϕ) =
(ct,x), where the x0 = ct coordinate represent the time coordinate and xi, i ∈ 1, 2, 3
18
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represent the spatial coordinates. Such definition of coordinates and the metric gives
us the distance between two points:
dR2 =
3∑
µ,ν=0
gµνdx
µdxν = −(c dt)2 +
3∑
i=1
(dxi)2 (2.3)
To define the metric’s dependence on the coordinates, we take into account the
cosmological principle, which states that the Universe should not have a preferred
locations or directions. This implies that the curvature of space-time should stay
constant and a general form describing a three-dimensional spatial part of the metric
with a constant curvature k can be written as
ds2 =
dr2
1− kr2 + r
2
(
dθ2 + sin2 θ dϕ2
)
. (2.4)
The curvature k can occupy values −1, 0, 1, each describing a different type of uni-
verse. The value k = −1 describes the hyperbolic or open universe, k = 0 describes
a flat universe and k = +1 describes a spherical or closed universe. Combining this
equation with Eq. (2.3) and accounting for the expansion rate of the universe as
shown in Eq. (2.2), gives us the Robertson-Walker metric
ds2 = −c2dt2 + a2(t)
[ dr2
1− kr2 + r
2
(
dθ2 + sin2 θ dϕ2
)]
. (2.5)
The expansion rate a(t) is also called the scale factor of the Universe and it gives
the relation between the comoving distance x and physical distance r as
r = a(t)x. (2.6)
The scale factor a(t) is dimensionless and it is usually defined to be a(t0) = 1, where
t0 denotes the present time. It is sometimes convenient to define the conformal time
τ as
dτ =
c
a(t)
dt, (2.7)
which brings the scale factor a(t) in front of the total metric
ds2 = a2(τ)
[
− dτ 2 + dr
2
1− kr2 + r
2
(
dθ2 + sin2 θ dϕ2
)]
. (2.8)
The scale factor a(t) is important as it contains all the information about the metric
and consequently the dynamics of the Universe. The way the scale factor a(t)
changes with time depends on the content of the Universe, which is contained in
the energy-momentum tensor Tµν . The exact form of a(t) is obtained by solving
the Eistein field equations. Solving the Einstein equations for a homogeneous and
isotropic universe gives us a pair of equations describing the dynamics of such a
universe, also called the Friedmann-Lemaître equations, which will be discussed in
the next section.
19
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2.3 The Friedmann equations
The Einstein’s equation tells us how the presence of matter or energy in the Universe
affects the curving of space-time,
Gµν = R
µ
ν −
1
2
gµνR =
8πG
c4
T µν (2.9)
Gµν represents the Einstein tensor, Tµν is the energy-momentum tensor and Rµν and
R are the Ricci tensor and the Ricci scalar, respectively. The energy-momentum
tensor contains the information about the content of the Universe and obeys the
same symmetries as the Universe (homogeneity and isotropy), meaning that the
tensor has to also be symmetric. If all the constituents of the Universe can be
approximated as perfect fluids, then the stress energy tensor can be written in terms
of the perfect fluid’s density ρ and pressure p as
T µν = diag(−ρc2, p, p, p). (2.10)
Taking the time component T 00 of the energy-momentum tensor and the correspond-
ing component of the Eistein’s tensor G00 = 8πGT 00 c−4 gives us the first Friedmann-
Lemaître equation ( ȧ
a
)2
+
kc2
a2
=
8πG
3
ρ. (2.11)
The spatial part of the energy-momentum tensor T ii and its corresponding Eistein’s
tensor’s components Gii = 8πGT ii c−4 give us the second Friedmann-Lemaître equa-
tion
2
ä
a
+
( ȧ
a
)2
+
kc2
a2
= −8πG p
c2
. (2.12)
Defining a new parameter called the Hubble parameter
H(t) ≡ ȧ(t)
a(t)
, (2.13)
and making use of the energy-momentum conservation in the Einstein’s equation,
gives us the equation of motion for the perfect fluid, in the form
ρ̇ = −3H
(
ρ+
p
c2
)
. (2.14)
Although this equation is not independent of the two Friedmann-Lemaître equations,
but can be derived from them, it nevertheless tells us something important. If we
can describe the content of the Universe as the sum of different non-interacting
constituents i, which are all acting as perfect fluids, the equation of motion then
holds for each component separately
ρ̇i = −3H
(
ρi +
pi
c2
)
, (2.15)
and the relation between the density of each component ρi and its pressure pi is
given by the equation of state
pi ≡ wi ρi c2, (2.16)
where wi is a proportionality parameter, which can be either constant or have a
dependence on time. We can write equations (2.11), (2.12), (2.14) and (2.16 together
as a closed set of equations, which can be solved for given initial conditions and a
given curvature,
20
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ρ̇ = −3H
(
ρ+
p
c2
)
(2.17)
pi = wi ρi c
2 (2.18)
H2 =
( ȧ
a
)2
=
8πG
3
ρ− kc
2
a2
(2.19)
Ḣ −H2 = 2 ä
a
= −4πG
3
(
ρ+ 3
p
c2
)
. (2.20)
A given set together with the Robertson-Walker metric defines a set of models de-
scribing the universe also called Friedmann-Lemaître-Robertson-Walker mod-
els (FLRW models).
Using the equations describing the FLRW models, we can now derive how the
density ρi of a non-interacting component i in the Universe changes with scale factor
a and also calculate the scale factor’s dependence on time a(t), assuming a constant
proportionality parameter wi. Using Eqs. 2.17 and 2.18 together with the definition
of the Hubble parameter H = ȧ/a, we obtain
ρ̇i = −3 (1 + wi)Hρi = −3 (1 + wi)
ȧ
a
ρi →
dρi
ρi
= −3 (1 + wi)
da
a
. (2.21)
After integration we get the proportionality relation between the density of an i-th
component and the scale factor a of the universe
ln ρi = −3 (1 + wi) ln a → ρi ∝ a−3 (1+wi). (2.22)
In case of a flat universe, where k = 0, we can use the Friedmann-Lemaître equations
to calculate the dependence of scale factor on time a(t) in case of a single component
i dominated universe. Using relation 2.22 in the first Friedmann-Lemaître equation
2.19, we obtain
ȧ2
a2
∝ a−3 (1+wi) →
(
da
dt
)2
∝ a−(1+3wi) → a 12 (1+3wi)da ∝ dt, (2.23)
which after integration yields the relations
a(t) ∝ t2/(3 (1+wi)) → H(t) = ȧ(t)
a(t)
=
2
3 (1 + wi)
. (2.24)
2.4 The Hubble-Lemaître law and the peculiar ve-
locity
In 1929, a astrophysicist Edwin Hubble discovered that most observed galaxies move
away from the Milky Way with a mean velocity which depends on their physical dis-
tance from our galaxy, with the proportionality relation, called the Hubble-Lemaître
law,
v(r) = H0r, (2.25)
with H0 representing the current value of the Hubble parameter, estimated to be
H0 = (67.4 ± 0.5) km s−1Mpc−1 [3]. The Hubble’s law essentially tells us that the
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further away the object is from us, the faster it recedes. This conclusion has been
confirmed by many modern experiments and it very well describes the average ob-
served velocities of distant galaxies.
It might seem as if the Cosmological Principle, i.e. homogeneity and isotropy of
the Universe, don’t allow for a single observer to see all other objects moving away
from him, as it seems this would imply he is standing in the center of expansion.
Once we take into account that the Universe as a whole is expanding, we see that
this is in fact true for all the observers in the Universe. As the distances between
all points in the Universe grow uniformly, the galaxies we see moving away from us
are at the same time also moving away from all the other galaxies, similarly to what
happens with the surface of a balloon as we inflate it. All points on the surface of
the balloon are moving away from each other at the same rate, with each of them
seeing others receding from them with larger velocities the further away they are,
still seeing all the directions as isotropic and satisfying the Cosmological Principle.
The Hubble term can also be found when calculating the velocity of an observer
moving in the physical coordinates. We know that the physical coordinate r can be
expressed in terms of the comoving coordinate x and the scale factor a = a(t), as
r(t) = a(t)x(t). (2.26)
The velocity in physical coordinates v can therefore be calculated as
v(t) = ṙ(t) = ȧ(t)x(t)+a(t) ẋ(t) =
ȧ(t)
a(t)
r(t)+vpec(t) = H(t) r(t)+vpec(t), (2.27)
where the first term in the final expression represents the Hubble term, describing
the movement of the observer due to the expansion of the Universe, and the second
term is called the peculiar velocity and it represents the movement of the observer
in relation to the surrounding matter.
2.5 Cosmological redshift
The words redshift or blueshift describe the Doppler effect applied to light waves.
While redshift applies to light waves which undergo an increase in wavelength,
blueshift applies to light waves which undergo a decrease in wavelength. The wave-
length (frequency or energy or a spectrum) of light emitted by a distant object
therefore gets shifted to higher or lower values, depending on whether the object is
moving towards us or away from us. In cosmology the redshift is used to describe
velocities or distances and even be used as a time measure.
Let’s look at the light ray traveling between two point in space-time and derive
the dependence of redshift z on the expansion of the universe, described by the
scale factor a. We will be looking at a space-time described by the Robertson-
Walker metric written in Eq. (2.5). In general relativity the propagation of light is
described with equation
ds = 0. (2.28)
Since the space is homogeneous and isotropic, we can choose such coordinates that
the light ray is traveling the distance r0 radially from the center of the coordinate
system at r = 0 to the point r = r0, so that the angular coordinates stay constant
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and we have dϕ = dθ = 0. Plugging the choice of coordinates and the Eq. (2.28) in
the metric, gives
0 = −c2dt2 + a2(t) dr
2
1− kr2 , (2.29)
or after separating the variables
c dt
a(t)
=
dr√
1− kr2
. (2.30)
The left-hand side can be integrated over time from the moment the light ray is
emitted tem to the moment it is observed tobs, while the limits of integration of the
right-hand side should be going from r = 0 to r = r0:∫ tobs
tem
c dt
a(t)
=
∫ r0
0
dr√
1− kr2
. (2.31)
We can now imagine another light ray with the same wavelength emitted from the
same point and in the same direction after a very short time interval dte. The
propagation of the second light ray will again be described with ds = 0, which in
this case gives ∫ tobs+dtobs
tem+dtem
c dt
a(t)
=
∫ r0
0
dr√
1− kr2
(2.32)
or after manipulating the integration limits a bit, we get∫ tobs
tem
c dt
a(t)
+
∫ tobs+dtobs
tobs
c dt
a(t)
−
∫ tem+dtem
tem
c dt
a(t)
=
∫ r0
0
dr√
1− kr2
. (2.33)
The right-hand sides of the equations describing propagations of the first and second
emitted light rays are the same, which gives for the left-hand sides∫ tobs
tem
c dt
a(t)
+
∫ tobs+dtobs
tobs
c dt
a(t)
−
∫ tem+dtem
tem
c dt
a(t)
=
∫ tobs
tem
c dt
a(t)
(2.34)
or simply ∫ tobs+dtobs
tobs
c dt
a(t)
=
∫ tem+dtem
tem
c dt
a(t)
. (2.35)
As dtem and dtobs represent very short time intervals, we can integrate this equation
c dtem
a(te)
=
c dtobs
a(tobs)
. (2.36)
If we assume that the time difference between the two emitted rays is exactly the
same as the wave period t0,em of the light ray at the point of emission r = 0, then
c dtem = c t0,em = c ν
−1
em = λem, (2.37)
and similarly for the time difference between the two light rays at the point of
observation
c dtobs = c t0,obs = λobs, (2.38)
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which gives
λobs
λem
=
a(tobs)
a(tem)
. (2.39)
We define the redshift z as
a(tobs)
a(tem)
≡ 1 + z, (2.40)
where z > 0 in case the universe is expanding and the points are moving appart
from each other (wavelengths become redshifted), and z < 0 in case the universe
is shrinking, which means the two points are getting closer together (wavelengths
become blueshifted). If the propagating light ray, which was emmited at time t, is
observed at the present time t0, when the scale factor is defined to be a(t0) = 1, we
can write simply
1
a(t)
= 1 + z. (2.41)
This expression in very useful in defining distances to objects in the Universe or
even defining the timeline of the evolution of the Universe in terms of redshift z. If
we are looking at the galaxy and the light emitted by the galaxy is redshifted by
a factor of (1 + z), meaning λ0 = (1 + z)λe, we can specify the distance to that
galaxy by simply saying it is positioned at redshift z. Similarly, the time scale can
be parametrized by redshift z, if we know that the scale factor grows with time
a(t2) > a(t1), t2 > t1. This gives for the redshifts
z2 − z1 =
1
a(t2)
− 1− ( 1
a(t1)
− 1) = 1
a(t2)
− 1
a(t1)
< 0, (2.42)
where z1 and z2 are the redshifts of light rays emitted at t1 and t2, respectively. The
redshift at present moment is z = 0, which follows naturally from expression (2.41)
when setting t = t0 and this means that we can specify any moment in the past or
future by merely specifying its redshift z, where the moments in the past will be
described by redshifts larger then zero zpast > 0 and the moments in the future will
be described by negative redshift values (i.e. blueshifts) z < 0.
2.6 The density parameters
In the ΛCDM cosmological model the Universe consists of five main ingredients:
radiation, neutrinos, baryonic matter, DM and dark energy. The amount of each
component i can be described using the density parameter Ωi, defined as the fraction
of the critical density ρc,
Ωi ≡
ρi
ρc
, (2.43)
where the critical density is time dependent, ρc = ρc(t) and it represents the whole
energy density of the Universe,
ρc(t) =
3H2(t)
8πG
. (2.44)
It is easy to see that such definition of the critical density enables us to write the
first Friedmann-Lemaître equation 2.19 in the form
1− ρ
ρc
= − kc
2
H2(t)a2(t)
≡ Ωk, (2.45)
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where the density ρ is in fact a sum of densities of all the different constituents of
the universe:
ρ =
∑
i
ρi. (2.46)
In terms of the density parameters this gives us the expression∑
i
Ωi(t) + Ωk(t) = 1. (2.47)
Depending on the curvature k of the universe, the sum of density parameters of all
the ingredients in the universe can therefore be either:∑
i
Ωi = 1, for a flat
(
k = 0
)
, (2.48)
∑
i
Ωi > 1, for a closed
(
k = 1
)
and (2.49)
0 <
∑
i
Ωi < 1, for an open universe
(
k = −1
)
. (2.50)
It is important to stress that, during the evolution of the universe, the curvature
density parameter Ωk can’t change the sign.
2.7 The comoving distance and the horizons
Using equations we derived in this chapter, we see that the comoving distance D a
photon travels between the moment of emission tem and the moment of observation
tobs is
D(t) = −
∫ t0
t
c
a(t)
dt. (2.51)
Using definitions da(t)
dt
= a(t)H(t) and a(t0) = 1, we get
D(a) = −
∫ 1
a(t)
c
a2(t)H(t)
da. (2.52)
To obtain the relation between a comoving distance and the redshift at which a
photon was emitted, we have to first derive da(z)/dz from Eq. 2.41
a(z) =
1
1 + z
→ da(z)
dz
= − 1
(1 + z)2
= −a2(z(t)). (2.53)
Using this relation in Eq. 2.52 we get the expression for the comoving distance,
D(z) = −
∫ 1
a(t)
c
a2(t)H(t)
da
dz
dz =
∫ z(t)
0
c
H(t)
dz. (2.54)
The time-dependence of the Hubble parameter H(t) can be derived using eqs. 2.22
and 2.47. From the former it follows that the density parameter of the i-th compo-
nent can be expressed in terms of its present day value, Ωi,0 = 8πGρi,0/(3H20 ),
Ωi(t) =
8πG
3H2(t)
ρi,0 a
−3(1+wi)(t) = Ωi,0
(
H0
H(t)
)2
a−3(1+wi)(t). (2.55)
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Also, coming from Eq. 2.45, we see that
Ωk(t) = Ωk,0
(
H0
H(t)
)2
a−2(t). (2.56)
The two expressions can be combined in Eq. 2.47, giving us the time dependence of
the Hubble parameter
H(t) = H0
√∑
i
Ωi,0 a−3(1+wi)(t) + Ωk,0 a−2(t), (2.57)
and finally the expression for the travelled comoving distance of a photon as a
function of the redshift z at the moment of emission,
D(z) =
c
H0
∫ z
0
dz√∑
i Ωi,0 (1 + z)
3(1+wi) + Ωk,0 (1 + z)2
. (2.58)
This definition of the comoving distance is important as it gives information about
the causality of two events in the universe, i.e. it defines the horizons.
The distance a photon can travel from the beginning of time up to now, is called
the particle horizon. The particle horizon defines the causal connection between
two points in the Universe by confinig a spherical portion of the universe which can
be seen by an observer, which of course is sitting in the center of its particle horizon.
The event horizon is defined as the distance to the photons emitted today that
can still reach us after infinite time in the future.
2.8 The evolution of the Universe
In this section, first a short description of the evolution of the Universe and the
explanation of the matter-radiation equality will take place, and at the end we will
discuss the importance and the evidence for the existence of DM in our Universe.
2.8.1 The matter-radiation equality
As we’ve already shown, the depedence of density of an i-th component in the
Universe on its scale factor a can be described by Eq. 2.22. In the case of matter
(baryonic and DM combined) and radiation (photons and neutrinos), which have
the proportionality parameter values of wm = 0 and wr = 1/3, respectively, this
gives us the relations (using the density parameters):
Ωm = Ωm,0 a
−3, (2.59)
Ωr = Ωr,0 a
−4. (2.60)
In order to calculate how the densities of matter and radiation change with evolution
of the Universe, we therefore have to measure their current density parameter values.
For matter, that is approximately Ωm,0 ≈ 0.27 and for radiation it is Ωr,0 ≈ 8 · 10−5.
This gives us the evolution of the ratio between the density of radiation and matter,
Ωr
Ωm
≈ 3 · 10−4 1
a
, (2.61)
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Therefore, as we track the evolution of the Universe back in time, and the scale
factor a becomes smaller, the ratio between radiation and matter becomes bigger,
reaching the equivalence of the matter and radiation densities:
Ωr
Ωm
= 1 → aeq ≈ 3 · 10−4 → zeq ∼ 3000. (2.62)
As we go further back into the past, the radiation density becomes larger than the
matter density, and we say that the Universe at that time was radiation dominated.
After the moment of matter-radiation equality the Universe is matter dominated.
The third component that makes up our Universe is dark energy Λ, which starts to
dominate the density of the Universe after the period of matter domination. The
dark energy has the proportionality parameter wΛ = −1, which means that its
density is constant throughout the evolution of the Universe,
ΩΛ = ΩΛ,0 ∼ 0.73. (2.63)
This gives the moment of matter-dark energy equality as
Ωm
ΩΛ
≈ 0.37
a3
= 1 → aeq’ ≈ 0.7 → zeq’ ∼ 0.4. (2.64)
The way densities of the different components Ωi change with the scale factor a is
shown in Fig. 2.1.
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Ωm(a)
ΩΛ(a)
aeq aeq'
Log (a)
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Figure 2.1: The dependence of the density parameter values Ωi on the scale factor
a in the case of radiation (blue line), matter (orange line) and dark energy (green
line). We see that the Universe is radiation dominated at a < aeq, matter dominated
between aeq < a < aeq’, and dark energy dominated at a > aeq’.
2.8.2 A brief history
A brief description of the history of our Universe in the ΛCDM cosmological model
is written in the table below. The periods of the different processes are described
in different ways - in terms of time t and the value of the Hubble parameter H, in
terms of the temperature T of the Universe and its corresponding energy E, or in
terms of the value of the scale factor a and the redshift z.
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Very early universe
t < 10−10 s T > 1015
Processes unknown: this period of evolution of the Universe we are unable to
study, as we are unable to obtain information coming from that era (cosmic
inflation, grand unification, ...).
The early universe
10−10 s < t < 10−4 s 1015 K > T > 1012 K
The particles in the Universe (free electrons, quarks, photons, neutrinos, etc.) are
strongly interacting with each other in the form of a hot dense plasma - the
thermal bath. All species of particles are in thermal equilibrium together.
Quark-gluon transition
10−4 s < t < 1 s 1012 K > T > 1010 K
Quarks and gluons confine to form baryons (protons, neutrons, ...) and mesons.
The particles still exist together in the form of a hot plasma and remain in the
thermal equilibrium with each other.
Neutrino decoupling
t ∼ 1 s T ∼ 1010 K
The rate for interactions between neutrinos and other particles in the thermal bath
become smaller than the Hubble expansion rate and neutrinos decouple from the
plasma, forming the cosmic neutrino background.
Big Bang nucleosynthesis
1 s < t < 1012 s 1010 K > T > 104 K
Free protons and neutrons join together to form the first atomic nuclei (He, Li, ...).
Matter-radiation equality
1012 s < t < 1013 s 104 K > T > 3000 K
The energy density of matter becomes equal to the energy density of radiation.
Before that epoch the Universe was radiation dominated, after that the Universe is
matter dominated.
Recombination
1013 s < t < t0 3000 K > T > 3 K
First neutral atoms are formed by atomic nuclei capturing electrons. This makes
the Universe transparent to the photons, as particles are no longer interacting with
them, i.e. photons decouple from the thermal equilibrium. This is the moment
when the Cosmic Microwave Background (CMB) is released.
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Structure formation
1013 s < t < t0 3000 K > T > 3 K
Under the influence of gravity first structures start to form in the Universe,
originating from small matter density perturbations in the very early Universe.
The growth of structures happens first in the DM matter density once the
Universe has become matter dominated, and growth of baryonic structures follows
after the baryonic matter has cooled down sufficiently.
2.9 The motivation and early evidence for DM
The discovery of DM follows from the observation of its effects on the baryonic
matter, which was first noticed in the 1930’s by the astrophysicist Fritz Zwicky. As
he was observing the galaxies in the Coma cluster, he discovered that the velocity
dispersion of galaxies within the galaxy cluster is a lot larger than theoretically
expected. Using the virial theorem he calculated that, if only visible matter would
contribute to the gravitational well of the cluster, galaxies in the outer regions with
such high velocities could not be gravitationally bound together and the galaxy
cluster would fly apart. Seeing this wasn’t the case, he concluded that some invisible
matter, which he called dark matter, needed to be present in the cluster to keep the
galaxies bound together. Although this conclusion caused a lot of controversy in the
scientific circles, it was later confirmed. In 1970’s, Vera Rubin and W. Kent Ford
measured the orbital speeds in spiral galaxies and discovered that the stars far from
the galactic center move similarly fast as the ones which are close to the galactic
center. A simple calculation shows that if a star is traveling with velocity v around
the galactic center at radius r in a galaxy, where a mass M(r) is captured inside the
radius r, then we can write the condition for stability in the form of the equality of
the centrifugal acceleration and the gravitational pull which gives
v2
r
=
GM(r)
r2
→ v =
√
GM(r)
r
, (2.65)
If we assume that most of the mass of a galaxy is located near the center of the
galaxy, we can write a simple proportionality relation v ∝ 1/√r. When observing
the behavior of actual stars in the galaxy, the measurements of their velocity do not
confirm the 1/
√
r law, but instead they remain rather constant at larger distances.
This led Vera Rubin and collaborators to propose that there is an additional ’dark’
matter in the galaxies, distributed on a much wider region of space around the
visible galaxy.
More evidence for the existence of DM can be obtained by methods such as
the gravitational lensing, which describes the effects of gravity on photons traveling
near the gravitating masses. Through gravitational lensing the distribution of DM
in the Universe can be estimated by observing the effects of mass on the trajectories
of photons traveling from far away objects, such as distant galaxies or clusters of
galaxies. Again, the visible matter cannot account for the observed bend and based
on how strongly the photon paths are curved when traveling near the galaxy cluster
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or other astrophysical object, the amount of mass in it can be calculated. It is im-
portant to acknowledge that in order to propose that DM exists, one has to assume
that Einstein’s theory of general relativity is correct. In the scientific community
many alternatives to the theory of general relativity are being developed. These ap-
proaches are known as Modified Newtonian dynamics (MOND) which was proposed
by Milgrom, in 1983 [4].
Even if we assume the Einstein’s theory of gravity, the argumentation that there
is some “new form of mass” in our Universe might still not be enough to convince us of
it correctness, so in order to understand why modern science believes that DM is an
exotic type of matter, pieces of evidence based on cosmological perturbation theory,
the Cosmic Microwave Background (CMB) anisotropies and clustering properties of
the large scale structures have to be presented, which will not be the focus of this
thesis.
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WIMPs and the search for DM via
Gamma rays
There are many different theoretical models proposing particle DM candidates.
Some of the most popular DM candidates are Weakly Interacting Massive Parti-
cles (WIMPs), as the properties of WIMPs in calculations naturally give the right
DM abundance today ΩDM,0. In order to understand this, we have to take a closer
look at how the current DM abundance is estimated assuming the WIMP hypothesis
in Sect. 3.1. WIMP theory is also predictive as it gives a clear value for the cross
section of self annihilation of WIMPs to the SM particles (the so called ’thermal’
cross section) for which the current abundance of DM is met. In addition, there
are several experiments with good enough sensitivity to test that cross section, and
therefore WIMP theory is in principle testable. We will briefly describe the differ-
ent types of experiments in Sect. 3.2, and then briefly describe the Fermi satellite
gamma-ray experiment in Sect. 3.3.
3.1 Weakly Interacting Massive Particles (WIMPs)
The ΛCDM model of cosmology assumes that in the early thermal history of the
Universe, all particles were mixed together in a hot plasma also called the ther-
mal bath. Assuming that DM particles weakly1 interact with the baryonic matter,
which is part of the WIMP hypothesis, includes in the thermal bath DM particle
too. Particles in the hot plasma in the early Universe interacted with each other
therefore sharing the same temperature T and maintaining a thermal equilibrium.
The particles remained in the thermal equilibrium as long as the interaction rate
between particles Γ remained larger than the expansion rate of the Universe H,
Γ > H. (3.1)
Once the Hubble expansion rate became similar to the interaction rate between
particles H ∼ Γ, some species decoupled or froze out from the thermal equilibrium.
As the Universe expanded even more, the interaction rates between particles and
the plasma began to decrease significantly and their interactions with the thermal
bath eventually stopped altogether, leaving their total number of particles of the
same species constant until present time.
1By weakly we do not mean only by the Weak force, but any interaction which would be of
comparable size.
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How the comoving number density of particles in equilibrium changes with time
is shown in Fig. 3.1. The comoving number density is the number density of particles
which does not change due to expansion if particles are relativistic, i.e. T ≪ M .
Once when particles become non-relativistic their comoving number density starts
to drop exponentially (i.e. particles keep on annihilating, but it becomes hard to
produce them from the thermal bath). As the DM particle densities start to fall,
their interaction rate drops and becomes lower than the Hubble expansion rate,
and the particles freeze out. That moment happens sooner for particle species with
lower interaction cross-sections with the plasma, and later in time for species which
interact with the plasma more frequently. This makes sense, as the cross-section is
another way to specify the interaction rate Γ and for a species with smaller cross
section, i.e. smaller interaction rate, the Hubble expansion rate will catch up with it
earlier, and vice versa for species with larger cross sections. The comoving number
density after the point of decoupling stays the same until present time, with its value
depending on the species’ interaction cross-section, meaning that the current DM
abundance measurements can give us information about the expected interaction
cross-section for DM with baryonic matter.
Figure 3.1: The comoving number density dependence on time for particle species
with different interaction cross-sections. At the moment of the species’ decoupling
from the equilibrium, the comoving number density stays the same until present
time, with its value depending on the species’ interaction cross-section value. Figure
taken from [5].
All these assumptions can be summed up in a calculation of the present DM
abundance, which we will not discuss in detail, but only present its results. If we
assume that the mass of a DM particle is mχ ≳ few GeV, the expression for DM
abundance today is independent of its mass and only depends on the cross-section
or interaction rate of DM particles [6]
ΩDM = 0.23
10−26 cm2 s−1
⟨σannv⟩
. (3.2)
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From the form of the expression it is easily seen that in order to get the right order
of magnitude for the DM abundance today, the cross-section for DM annihilation
should be approximately [6]
⟨σannv⟩ ∼ 10−26 cm2 s−1. (3.3)
Such order of magnitude makes it fall into the category of “weak” interaction cross
sections, with the order of magnitude approximately four orders of magnitude smaller
than the electron-neutrino interaction cross section. Assuming the mass of DM par-
ticles is larger than a few GeVs therefore gives us a weak cross section for DM
annihilation in the SM particles, thus we call such particles the Weakly Interacting
Massive Particles or WIMPs. A small but existing cross-section for interactions with
ordinary matter gives theoretical possibility to detect DM particles experimentally,
which is what we will focus on in the rest of the thesis.
3.2 DM detection experiments
The DM particles are being searched for experimentally using the three main ap-
proaches:
• the direct approach,
• the indirect approach or
• using collider experiments.
Fig. 3.2 shows all these approaches schematically, depending on the particles that
interact and what particles are emitted.
Figure 3.2: Schematic representation of the three possible experimental approaches
to search for DM particles. We will focus our attention on the indirect search
experiments.
The direct approaches search for DM experimentally by using large well-isolated
calorimeters and look for a sudden movement of the atoms (excess of energy and mo-
mentum) in the calorimeter which could be a consequence of a DM particle scattering
on a SM particle and exchanging energy and momentum. The collider experiments
are looking for the deficit of the energy and momentum among the products of the
collision between two SM particles, assuming that the missing energy and momenta
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have disappeared from the collider due to a DM particle, which remained undetected
by the detectors. The approach which we will take a closer look at in this work is
the indirect approach to the search for DM particles, which is based on detecting
secondary SM particle products of DM annihilation.
Indirect WIMP searches are looking for the self-annihilation of DM to SM par-
ticles, i.e. the same process responsible for DM thermal equilibrium in the early
Universe. A possible interaction in the case of the annihilation is shown schemat-
ically in Fig. 3.3. The two DM particles assumingly annihilate into heavier SM
hadrons, such as for example weak bosons or heavier quarks. This part of the inter-
action has to be governed by yet undiscovered particle physics mechanisms, part of
the New Physics. The produced heavy SM particles are unstable and they further
decay into other, lighter SM particles, which quickly decay further into stable par-
ticles, such as gamma-rays, neutrinos and cosmic rays. Gamma-rays are especially
interesting for indirect DM searches, as they can travel large distances without sig-
nificantly changing their direction or getting absorbed. This makes the gamma-rays
emitted from DM annihilation suitable to be detected on Earth in experiments such
as for example the Fermi LAT experiment.
Figure 3.3: Schematic representation of a possible DM particle annihilation into
heavier SM hadrons (weak bosons or heavier quarks), which then further decay
into stable SM particles such as gamma-rays, neutrinos and cosmic rays, gamma-
rays being especially interesting in the context of indirect DM searches, as they
can travel large distances without significantly changing their direction or getting
absorbed, therefore suitable to be detected in experiments.
3.3 Gamma-ray experiments
One of the experiments which measures the gamma-ray flux on Earth is the Fermi
satellite. It contains two scientific measuring instruments, the gamma-ray burst
monitor and the Large Area Telescope (LAT). In this section, we will take a closer
look at the later, briefly examine its structure and describe the gamma-ray detection
process.
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The Fermi LAT was launched in June 2008 and measures photons with energies
from 20 MeV to 300 Gev [1]. This makes it suitable for the search of WIMPs,
however, there is also a significat number of astrophysical sources that emit at these
energies, and need to be subtracted when looking for DM. Once such contributions
are properly subtracted from the measured gamma-ray flux, the remaining signal
helps us constrain the theoretical models predicting the gamma-ray flux component
originating from the DM annihilation and decay. Since the Fermi LAT is designed
to be able to measure the gamma-ray flux almost uniformly over the whole sky, it
is a great tool for helping us set more precise constraints and therefore improve the
proposed theoretical models.
3.3.1 The Structure of the Detector
The LAT consists of three components: the anti-coincidence detector, the precision
tracker, and the imaging calorimeter. In Fig. 3.4 the main structure of the detector
and a schematic example of a detection event is shown. The anti-coincidence detector
identifies the charged particles passing through the detector in order to reduce the
misinterpretation of the observed signal, and is therefore made of an efficient plastic
scintillator. The light gets emitted by the scintillator as a charged particle passes
through it, then travels through the wavelength shifters to the photo-multiplier
tubes. The detected signal is then used as a trigger to filter out events either directly
through electronics in the detector, or later as a pulse-shaped signal is being send
to the computers on Earth for further analysis of the data.
Figure 3.4: The main structure of the Fermi LAT gamma-ray detector together
with a schematic example of a detection event. Figure source: https://www-
glast.stanford.edu/images/Gamma_telescope_schematic.png
The Precision Tracker
The precision tracker is composed of 18 layers of conversion foils to convert gamma-
rays into charged e+e− particles, as well as 18 silicon strip detectors, which track the
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charged particles flying through the detector. The conversion foils yield a gamma-ray
conversion probability of about ∼ 63%, while the identification of charged particles
resulting from gamma-ray conversion as opposed to other charged particles flying
through the detector is made more efficient with the help of the anti-coincidence
detectors, as described above.
Finally, the calorimeter measures the energy deposited in the detector. It is
designed so that it can at the same time measure the deposited energy of a particle as
well as measure its position. For this purpose, it is divided into multiple calorimetric
towers. The direction of a detected particle can as well be reconstructed, knowing
the positions and directions of the detected charged particles coming from gamma-
ray conversion.
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Dark matter constraints from
Gamma-rays
In this chapter we will focus on describing the gamma-ray sources in the Universe.
We specify why some of them are or are not suitable targets for indirect searches for
DM in Sect. 4.1, and define the target we will be focusing on in the rest of the thesis
- the cumulative extragalactic gamma-ray flux. We describe this quantity in Sect.
4.2, present the equations used to calculate its value and describe the ingredients
necessary for the calculation. In Sect. 4.3 we talk briefly about the constraints set
on DM from isotropic emission measured by the Fermi LAT and discuss the future
prospects in this field.
4.1 Gamma-ray sources in the Universe
The indirect searches for DM can be focused on different targets, depending on the
way the experiment is designed, how far the target is, the amount of DM in the target
and how low or high are the background gamma-ray fluxes, which originate from
astrophysical sources. The most favorable targets are those that have a good signal
to background ratio. The gamma-ray signal obtained by the Fermi LAT satellite in
5 years time is shown in Fig. 4.1 and it gives a good feeling of where the possible
targets for indirect searches for DM could be. For example [7]:
• the Galactic Center,
• the Galactic Plane,
• external galaxies,
• galaxy clusters or
• the cumulative isotropic signal.
Since it is close to the Earth, contains a large matter density and consequently
may also host a large amount of DM, the Galactic Center is assumed to have the
highest gamma-ray signal coming from DM annihilation or decay of all the mentioned
targets. Nevertheless, the Galactic Center is a challenging target in the context
of indirect searches, as it also produces a very strong background, coming from
cosmic-ray interactions, including processes such as bremsstrahlung and the inverse
37
Chapter 4. Dark matter constraints from Gamma-rays
Figure 4.1: The gamma-ray image of the sky as seen by the Fermi LAT satellite
with data collected over the span of 5 years. The bright yellow stripe in the middle
shows the Galactic Center, the red color around it is the Galactic Plane, while the
single red dots represent point sources, such as external galaxies and galaxy clusters.
The dark blue background represents the cumulative isotropic signal coming from
everywhere in the sky. Image credit: NASA/DOE/Fermi LAT Collaboration
Compton scattering, as well as hadronic interactions, pulsars, etc. Our galactic plane
might contain DM sub-haloes, of which some may not host visible matter, meaning
the background of such targets would be relatively low. These sub-haloes could be
treated as individual sources, or they could contribute to the diffused emission of
gamma-ray signal [8].
The next group of possible DM targets are the different point sources in the
Universe, such as external galaxies or galaxy clusters. Although external galaxies
produce smaller signal, they also produce less background and can therefore still be
good targets for indirect searches. Combining the signal obtained from multiple such
galaxies can enhance their usefulness. Clusters of galaxies are useful as the sources
of DM annihilation signal. The largest annihilation signal is assumed to come from
bigger DM haloes, which would host the largest amounts of visible matter, such as
for example galaxy clusters.
In this work, the attention will be focused on indirect searches using the cumu-
lative isotropic signal. The main advantage of the cumulative cosmological signal is
that it comes from all directions of the sky and from all redshifts, which means that
the flux of gamma-rays coming from DM annihilation is very large. Such emission
should be isotropic on the large enough angular scale and presents a contribution
to the gamma-ray background coming from all parts of the Universe. Using as-
trophysical models to estimate the contributions of astrophysical sources, such as
starforming galaxies, blazars, and misaligned active galactic nuclei, constraints on
DM annihilation and decay fluxes can be set. It is important to stress that the
anisotropies exhibited in the isotropic gamma-ray background can give additional
information on the properties of DM as well as of other contributing components,
but they will not be discussed in the scope of this work.
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4.2 Cumulative extragalactic gamma-ray flux
As mentioned already, the cumulative gamma-ray flux produced by DM annihilation
and decay comes from all parts of the sky and has a uniform angular distribution
in the first order. In order to be able to set constraints on the appropriate models
with observations, the expected gamma-ray flux originating from DM annihilation
or decay should be theoretically calculated. The equation theoretically describing
the predicted gamma-ray flux coming from annihilation is
dΦDM
dE0
=
c ⟨σv⟩
8πm2DM
∫ ∞
0
dz
e−τ(E0,z)
H(z)
ρ2(z, Ω̂)
(1 + z)3
dN(E ′, z)
dE ′
, (4.1)
where c denotes the speed of light, ⟨σv⟩ is the annihilation cross section, τ is the
absorption parameter, H is the Hubble parameter, ρ is the density of DM at red-
shift z in angular direction Ω̂ and dN/dE ′ is denoting the emitted spectrum per
annihilation, with E ′ being the present day energy at redshift z, E ′ = E0(1 + z).
The function is integrated over the line of sight, i.e. the redshifts from 0 to infinity,
as we are integrarting the flux coming from objects at at all possible redshifts up to
the present day redshift z = 0.
By taking a closer look at each of the mentioned quantities, we can get a better
understanding of the equation. The mass of DM particles in the context of the
WIMP hypothesis is assumed to be mDM ≳ few GeV [6], in which case the derived
equation for DM abundance today is given by the Eq. 3.2 derived from the abaun-
dance argument described in Ch. 3. In order to get the right DM abundance today,
the annihilation cross section can be estimated using the current DM abundance
measurements, ΩDM,0 ≈ 0.23, in combination with the Eq. 3.2, as mentioned al-
ready in Ch. 3. The exponential factor e−τ(E0,z) is coming from the absorption of
photons due to the extragalactic background light. The Hubble parameter H(z) we
have discussed already in Ch. 2 and it is defined as in Eq. 2.57, with H0 being the
current value of the Hubble parameter H0 ≈ 100h km(s Mpc)−1, where h ≈ 0.673
[9]. The factor (1 + z)3 is a volume element coming from moving from comoving
to the physical coordinates, while the last factor in the Eq. (4.1), dN/dE ′, is the
emitted gamma-ray spectra per annihilation coming from SM particle interactions.
All those quantities are either pretty well known or estimated from some assumed
particle physics models. The main uncertainty comes into the equation from the
DM density distribution ρ(z, Ω̂). In this thesis we will pay special attention to this
part of the equation.
The DM density distribution can be described by the average density component
ρ̄ and small density fluctuations δ on top of the average density:
ρ(z, Ω̂) = ρ̄(z) ·
[
1 + δ(z, Ω̂)
]
. (4.2)
The average density of DM in the Universe ρ̄ depends on the DM abundance ΩDM,
the critical density of the Universe ρc, and the redshift z. Let’s recall that the
critical density ρc is defined as the density the Universe should have in order for it
to be perfectly flat. The estimated value for the critical density of our Universe is
ρc = 3H
2/(8 π G). Combining those quantities together defines the average density
of DM:
ρ̄ = ΩDM ρc (1 + z)
3, (4.3)
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we can rewrite the density distribution in the form:
ρ(z, Ω̂) =
[
1 + δ(z, Ω̂)
]
ΩDMρc(1 + z)
3. (4.4)
This gives us for ρ2(z, Ω̂):
ρ2(z, Ω̂) = (ΩDMρc)
2(1 + z)6
[
1 + δ(z, Ω̂)
]2
= (4.5)
= (ΩDMρc)
2(1 + z)6
[
1 + 2 · δ(z, Ω̂) + δ2(z, Ω̂)
]
. (4.6)
Since we are interested in the structure of the Universe at later stages of the structure
formation where the matter perturbations are already in the highly nonlinear regime,
the clumpiness of DM is a lot bigger than the average density component. That
means that we can neglect the linear component 1 + 2 · δ(z, Ω̂), and only keep the
nonlinear term δ2(z, Ω̂). As we only care about the average flux over the angular
direction Ω̂, we can define a new quantity, the flux multiplier as
ζ(z) ≡ ⟨δ2(z, Ω̂)⟩ , (4.7)
where the brackets denote the angular direction average. Using the flux multiplier,
we can now define the gamma-ray flux coming from DM annihilation as
dΦDM
dE0
=
c ⟨σv⟩ (ΩDM ρc)2
8πm2χ
∫
dz
e−τ(E0,z)(1 + z)3
H(z)
ζ(z)
dN
dE ′
⏐⏐⏐
E′=E0(1+z)
. (4.8)
The flux multiplier ζ(z) therefore describes the DM distribution in the universe at
the later stages of structure formation. It is related to the variance of DM density in
the universe, measuring the amount of DM clustering at each given redshift and it
is at the same time the astrophysical quantity which brings the largest uncertainty
in the Eq. (4.8). To estimate this quantity, two main approaches can be used: the
HM approach and the PS approach. Both of these approaches rely heavily on the
results provided by N-body numerical simulations. It the next chapter, we will take
a closer look at how each of these approaches calculate the flux multiplier ζ(z) and
compare the cons and pros of using either of them.
Let’s also describe the estimated gamma-ray flux coming from DM decay. The
equation for the flux is very similar to the Eq. (4.1) describing the DM annihilation
flux, with the main difference being in the potency of the density factor in the
integral, as the decay rate does not depend on the probability of the two DM particles
to be in the same place, as it is the case with annihilation. The gamma-ray flux
coming from DM decay is therefore
dΦDM
dE0
=
c ⟨σv⟩
8πm2χ
∫ ∞
0
dz
e−τ(E0,z)
H(z)
ρ(z, Ω̂)
(1 + z)3
dN(E ′, z)
dE ′
, (4.9)
where we of course have to take into account appropriate values for the decay cross-
section ⟨σdecv⟩ and emitted gamma-ray spectrum per a decay dN/dE ′, which differ
from values used in the case of the annihilation.
40
4.3. Dark matter constraints from isotropic emission and future
prospects
4.3 Dark matter constraints from isotropic emission
and future prospects
The most recent measurement of the gamma-ray isotropic emission was done by the
Fermi LAT collaboration, in [10]. This is a complex measurement as one needs to
subtract all known contributions from whole sky data (emission from point sources
and the diffuse emission from the Galactic plane). The result is shown in Fig. 4.2
and shows a cut-off due to the gamma ray absorption at around 800 GeV, which is
discussed also above.
Energy [MeV]
210 310 410 510 610
]
-1
 s
r
-1
 s
-2
 d
N
/d
E
 [M
eV
 c
m
2
E
-610
-510
-410
-310 IGRB
Fermi LAT, 50 months, (FG model A)
Fermi LAT, 50 months, (FG model B)
Fermi LAT, 50 months, (FG model C)
Galactic foreground modeling uncertainty
Figure 4.2: The most recent measurement of the gamma-ray isotropic emission done
by the Fermi LAT collaboration. The plot shows a cut-off due to the gamma ray
absorption at around 800 GeV. Figure taken from [10].
The origin of this emission is yet unclear. A guaranteed contribution comes from
sub-threshold point sources: Fermi LAT has measured about 5k sources that can be
found in its 4FGL catalogue [11]. More than 3k of these sources are extra-galactic
(consisting mainly of active galactic nuclei, AGNs). It is therefore clear that many of
the sub threshold sources which are not bight enough to be individually unresolved,
contribute to the isotropic emission. A cosmological DM signal could also contribute
to this emission, as described above.
An evaluation of the contribution of sub-threshold sources to the isotropic emis-
sion was performed in Ajello2015 [12], and these results were used to set limits on
DM signal. We show the fit to the isotropic emission of different astrophysical com-
ponents (from unresolved blazars, radio and star-forming galaxies), together with
the potential signal of DM in Fig. 4.3. Such fits can then be used to set limits on
DM. In Fig. 4.4 we show the limits derived from the isotropic emission in that work
(red line) together with other limits derived based on the Fermi LAT data.
As mentioned previously, there is an ongoing project within the Fermi LAT
collaboration to update the limits from Ajello2015. The new measurement of the
isotropic emission is being performed, as well as the updates of the modeling of the
expected contribution from astrophysical background. That work will also include
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an update of the expectation for the strength of a DM signal due to the clustering
of DM, which is the work we present in this thesis.
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Chapter 5
The theory of structure formation
In this chapter we will take a look at how (matter density) structures form and evolve
in the Universe. In the context of the ΛCDM cosmological model of the Universe,
structures grow from smallest to largest, so we will start with explaining the origin
of the initial perturbations, coming from inflation in Sect. 5.1. Although we will
not go into details about the exact mechanism of inflationary models, we will take a
brief look at the simplest class of inflationary models, the so called slow-roll inflation
and its parameters. Next, we will discuss the linear growth of density perturbations
in Sect. 5.2. Although the theory of structure formation requires general relativistic
treatment in order to be fully described, we will only take a look at the Newtonian
theory of structure formation, as this approach is technically a lot simpler, while at
the same time still sufficient to describe processes occurring at the small scales.
When analyzing the large scale properties of our Universe, we have to look at
these properties statistically. We introduce statistical quantities describing the mat-
ter density distribution of the Universe in Sect. 5.3 of this chapter.
As the matter perturbations in the Universe become nonlinear, we have to resort
to numerical simulations for a quantitative description. The results of the simula-
tions can be expressed either in real space or in Fourier space. The results of the
simulations in real space are often described by using the HM approach, which as-
sumes that all DM particles in the Universe exist in different DM halos with specific
sizes and masses. In Sect. 5.4 we will define a halo through a simple analytical
model of halo formation, called the spherical top hat collapse.
5.1 Initial perturbations from Inflation
While the cosmological principle states that the Universe is mostly homogeneous and
isotropic on large scales, we can at the same time see that the Universe is highly
non-homogeneous at the scales of stars, galaxies, and galaxy clusters. The matter
density at certain regions such as galaxy clusters is extremely high, while other
regions represent cosmic voids where the matter density is almost zero. As in the
ΛCDM cosmological model smaller structures grow into larger ones, there should be
some initial small perturbations, which acted as a seed for the large perturbations in
the matter density we see today. The only reliable theoretical framework describing
the origin of small initial perturbations is the inflationary paradigm.
Inflation assumes a short period of accelerated expansion which took place at a
very early stage of the Universe’s development. The field driving the expansion is,
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in the simplest model, assumed to be a scalar field ϕ. In the context of the ΛCDM
standard model of cosmology, the theory of inflation offers solutions to several prob-
lems of the original Big Bang scenario, such as for example the “flatness problem”
and the “horizon problem”, in addition to providing initial density perturbations
acting as the seeds for structure formation, as we mentioned already. This makes
the theory of inflation a very popular and promising theory describing a mechanism
which seems necessary to produce the Universe we can observe today.
It can be shown that the Universe accelerates if the value of the constant w in
the equations of state p = wρ describing the main contribution to the total energy
density in the Universe is wi < −1/3. This is the condition which should be satisfied
during inflation, and one way to do this is by using a real scalar field ϕ, moving in
a potential V (ϕ). In the FLRW framework, we can assume that the scalar field is
homogeneous and therefore only depends on time, ϕ(t). The equation of motion for
the scalar field ϕ is
ϕ̈+ 3Hϕ̇+
dV (ϕ)
dϕ
= 0, (5.1)
with the effective matter density and pressure,
ρϕ =
1
2
ϕ̇2 + V (ϕ), pϕ =
1
2
ϕ̇2 − V (ϕ), (5.2)
which gives for the proportionality parameter the expression,
wϕ(t) =
1
2
ϕ̇2 − V (ϕ)
1
2
ϕ̇2 + V (ϕ)
. (5.3)
Depending on the values of the kinetic term, 1
2
ϕ̇2, and the potential, V (ϕ), the
proportionality parameter can take values −1 ≤ wϕ ≤ 1, or in the case of the
accelerated expansion, when wϕ < −1/3,
3ϕ̇2 − 6V (ϕ) < −ϕ̇2 − 2V (ϕ) → ϕ̇2 < V (ϕ). (5.4)
In case the kinetic term is a lot smaller than the potential, ϕ̇2 ≪ V (ϕ) (i.e. the field
ϕ is “slowly rolling” down the potential V ), the proportionality parameter becomes
wϕ = −1 and the expansion of the Universe is exponential, satisfying the condition
for inflation. In that case we are talking about the slow-roll inflation, which is
quantified by the dimensionless slow-roll parameters
ϵ =
1
16πG
1
V 2
(
dV (ϕ)
dϕ
)2
=
3
2
(1 + wϕ), (5.5)
η =
1
8πG
1
V
d2V (ϕ)
dϕ2
= ϵ− ϕ̈
Hϕ̇
, (5.6)
satisfying the slow-roll conditions when they are very small, ϵ ≪ 1, η ≪ 1.
The formation of initial density perturbations in the early universe can be de-
scribed by inflation assuming the particle field called inflaton. The laws of quantum
mechanics specify that the value of this particle field fluctuates due to the Heisenberg
uncertainty principle. Therefore, at every instant of time there are slight fluctua-
tion of this field around its expectation value and as the perturbations of a given
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wavelength exit the horizon they become frozen and serve as seeds of the classical
density perturbations, as shown in Fig. 5.1. Because the horizon is constant during
inflation, and the magnitude of perturbations at different scales is the same, the
perturbations created during inflation are “scale invariant”. As the perturbations
grow, different modes could develop in different ways. In order to describe their
statistical properties, it is therefore easier to move into the Fourier space, where
different modes become independent. We will discuss the linear growth of density
perturbations in the Universe more in detail in the next section.
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λ3 > λ2
λ4 > λ3
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Figure 5.1: The growth of perturbations with different wavelengths λi during in-
flationary, radiation dominated and matter dominated epoch. During inflation the
horizon (black line) stays mostly constant, while the perturbations get stretched
outside the Hubble radius, i.e. exiting the horizon. The perturbations of different
scales λ are shown with lines of different colors, and grow proportional to the scale
factor a (x axis) as the Universe expands. After inflation the horizon starts growing
again, and depending on the size of the perturbation, different perturbations re-enter
the horizon at different times, i.e. during radiation or during matter domination.
As the perturbations enter the horizon, they become seeds for large scale structure
formation.
5.2 Linear perturbation theory
In the context of the Newtonian theory of structure formation it is assumed that the
Universe is filled with non-homogeneous ideal fluid, therefore the equations describ-
ing the growth of structures in the linear regime are derived from hydrodynamical
equations at linear order, although we will not focus on derivations here. The basic
hydrodynamical equations of Newtonian physics describing the perfect fluid with
matter denstiy ρ(r, t), velocity field v(r, t), pressure p(r, t) and the gravitational
potential Φ(r, t), are the continuity equation, the Euler equation, Poisson equation,
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and the conservation of entropy, respectively written below,
∂ρ
∂t
+∇ · (ρv) = 0, (5.7)
∂v
∂t
+ (v ·∇)v + ∇p
ρ
+∇Φ = 0, (5.8)
∇2Φ = 4πGρ, (5.9)
∂S
∂t
+ (v ·∇)S = 0. (5.10)
Together with the equation of state p = p(ρ, S), we can use these equations to
describe the dynamics of a perfect fluid in the expanding Universe. At this point, it
is important to mention that this approach is only valid under certain assumptions,
such as:
• the fluid is a type of non-relativistic matter, i.e. it must hold |v| ≪ c and
p ≪ ρc2,
• the “single-stream” approximation holds, i.e. we can define a unique value for
the perturbations velocity in every point in space, and
• that the fluid is dissipationless.
These assumptions are easily justified if we are using the approach to describe a fluid
of cold (i.e. particles are slow compared to the speed of light, no dissipative pro-
cesses) DM in early stages of structure formation, when the growth of structures is
still well within the linear regime (the streams of matter do not cross, yet). In order
to find analytical solutions of the equations 5.7 - 5.10, we have to solve them pertur-
batively at linear order. We define the quantities appearing in the equations above
as a sum of a homogeneous background and small non homogeneous perturbations
on top, e.g.,
ρ(r, t) = ρ̄(t) + δρ(r, t), v(r, t) = v̄(t) + δv(r, t), etc. (5.11)
Moving into the comoving frame by using the transformation from physical coordi-
nates (r, t) to comoving coordinates (x, t),
r = ax, ∇r =
1
a
∇x,
∂
∂t
⏐⏐⏐⏐⏐
r
=
∂
∂t
⏐⏐⏐⏐⏐
x
− 1
a
v̄ ·∇x, (5.12)
and taking the Fourier transform with respect to the comoving coordinates,
δq(k, t) =
∫
δq(x, t) e−ik·xdx3, δq(x, t) =
1
(2π)3
∫
δq(k, t) eik·xdk3, (5.13)
gives us the linear order hydrodynamical equations for a given comoving Fourier
mode k. Defining the matter overdensity in the linear regime,
δ(k, t) ≡ δρ(k, t)
ρ̄(t)
=
ρ(k, t)− ρ̄(k, t)
ρ̄(t)
, (5.14)
where δ(k, t) ≪ 1, and applying the transformations described above to the hy-
drodynamical equations, we can obtain a linear second order differential equation
describing the evolution of the matter overdensity:
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δ̈ + 2H δ̇ +
(
c2sk
2
a2
− 4πGρ̄
)
δ = 0, (5.15)
where cs is the speed of sound in the fluid, and k = |k|. When we look at Eq.
5.15, we see that it has two independent solutions for δ(k, t). In a static universe
(when the second term in Eq. 5.15 is equal to zero), the solutions can be either
oscillating, in case the expression inside the brakets is positive, or, in case the
expression inside the brakets is negative, one solution is exponentially growing and
the other is exponentially decaying. The growth of structures is therefore only
possible in the second case, which fits the Jeans criterion, stating that only the
modes with the physical wavelength larger than the Jeans length, can grow,
2πa
k
= λ > λJ ≡ cs
√
π
Gρ
. (5.16)
This is also true in an expanding universe, although the second term in Eq. 5.15 now
counteracts the growth of the perturbations. An important consequence of the Jeans
criterion comes from the fact that the speed of sound in baryonic matter is very large
when the baryons are still coupled with photons in the thermal bath (due to a large
photonic pressure), meaning that most of the modes are unable to grow at that time.
This will become important later, when we describe the perturbation growth during
the radiation domination era. The speed of sound for baryons only becomes small
enough to enable growth of structures after the time of recombination. Since DM
doesn’t interact with photons, it is not coupled to the photons before recombination
and it can start forming structures much earlier than the baryonic matter.
From now on we focus on Fourier modes much larger than the Jeans length,
meaning we can neglect the first term inside the brakets in 5.15. We are left with a
simplified second order differential equation,
δ̈ + 2H δ̇ − 4πGρ̄ δ = 0, (5.17)
with the general solution
δ(k, t) = δ+(k)D+(t) + δ−(k)D−(t), (5.18)
where δ+(k) and δ−(k) represent the initial conditions, and D+(t) and D−(t) are
the two independent solutions for a growing and a decaying mode, respectively. The
solution relevant for our further discussion is the growing mode solution D+(t), also
called the linear growth function, which is normalized to unity at the present time,
D+(t0) = 1. It can be shown that DM perturbations mainly grow during the matter
dominated era, when they grow proportional to the scale factor a,
D+(t) ∝ a(t) ∝ t2/3 (5.19)
while the growth of DM perturbations during radiation domination is suppressed due
to the Meszaros effect, which we will not discuss in detail. After taking into account
other components i of the Universe (radiation, baryonic matter and Dark Energy),
the solutions for the growing and decaying modes can no longer be analytically
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calculated. Instead, fitting functions depending on the redshift z and their density
parameters Ωi would have to be used.
Perturbations, described here as curvature perturbations, stay constant outside
the horizon. Once they reenter the horizon they can be mapped into matter pertur-
bations, which will grow differently during radiation and matter domination. Since
the wavelength k is what determines the time of horizon entry (with short modes
entering the horizon early on during radiation domination, and long modes entering
at late times during matter domination), these differences are usually described in
terms of a transfer function T (k). The transfer function accounts for the differ-
ence in amplitudes between modes entering the horizon after the matter-radiation
equality teq and those entering before teq, during radiation domination,
T (k) ≃
{
1, k ≪ keq,
(keq/k)
2, k ≫ keq,
(5.20)
where keq denotes the mode which enters the horizon at teq. It is important to
mention that for k > kFS there is a cut-off in PS, i.e. structures do not form at
scales smaller than the free-streaming scale. The free-streaming scale exists due to
the free motion of particles which can escape from structures smaller than some
size in a Hubble time, i.e. such structures cannot form. The free-streaming length
depends on the velocity and therefore the mass of DM for thermal particles, which
means the free-streaming scale is then connected with the particle physics properties
of DM.
As times goes by and structures grow significantly, the linear regime, where
the matter density perturbations are small compared to the background matter
density, δ ≪ 1, is no longer valid and nonlinear processes start to dominate structure
formation. As that happens, the growth of structures can no longer be described
analytically, for the general case, and numerical simulations are needed to proceed.
Generally, we can write the overdensity δ as a sum of a linear and a nonlinear
component, δ(k, t) = δlin(k, t) + δnl(k, t), while at smaller redshifts (i.e., closer to
the present time, when structures are already very well formed and the overdensities,
such as galaxies or clusters of galaxies, are a lot larger than an average density of the
Universe, δ(k, t) ≫ 1), the linear components in the overdensity can be neglected
and we can use the approximation δ(k, t) ≈ δnl(k, t).
5.3 Statistical properties of the Universe
We have already mentioned that homogeneity and isotropy are the assumed statis-
tical properties of our Universe at large enough scales. The numerical simulations
take into account the dynamics of the fluid in the Universe and then generate dif-
ferent possible realizations of a stochastic process, which aim to match our Universe
statistically. Therefore, we have to define statistical quantities which we can use to
describe the structures in a universe generated by a simulation.
The overdensity δ(x, t), in general, contains all information about the structure
of the Universe and its evolution. In order to describe the statistics of a non-
homogeneous universe, we define the two-point correlation function
ξ(x,x′) = ⟨δ(x)δ(x′)⟩ , (5.21)
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describing the average degree of correlation between two points in the overdensity
distribution, where the brackets ⟨ ⟩ denote the averaging over all points in the uni-
verse. Since we assume the Universe to be statistically homogeneous at large scales,
the correlation function doesn’t change, when we move from one place in the Uni-
verse to another. We can write the two-point correlation function as only depending
on the distance between the two points r = x− x′,
ξ(x,x′) = ξ(r). (5.22)
Moreover, since the Universe is also statistically isotropic, the two-point correlation
function is independent of direction of r, but simply depends of its length, |r| = r,
ξ(r) = ξ(|r|) = ξ(r). (5.23)
We can again move into Fourier space and define the two-point correlation function
in the Fourier space
⟨δ(k) δ(k′)⟩ = (2π)2δD(k − k′)P(k), (5.24)
where δD is the Dirac delta function, and P(k) is the Fourier transform of the
two-point correlation function, called the power spectrum,
P(k) =
∫
ξ(x)e−ik·xdx3. (5.25)
Since the two-point correlation function ξ(r) is a real function and invariant to rota-
tions, it holds that P(k) = P(k) and the power spectrum is also a real function. As
we have already mentioned the perturbations are created scale invariant during infla-
tion, meaning that the linear power spectrum of such perturbations is proportional
to a power law,
P(k) ∝ kns , (5.26)
where ns is called the spectral index with typical values, ns ≲ 1, for the case of
the slow-roll inflationary models, where the expansion is approximately exponential.
The linear power spectrum at any time after matter-radiation equality can be written
as
Plin(k, t) = A0 kns T 2(k)D2+(t), (5.27)
where A0 is the normalization factor, T (k) is the transfer function and D+ is the
growth function.
In context of large scale structures and cosmology, we are not interested in den-
sity peaks coming from individual stars or planets, which have very high densities
compared to the average density in the Universe. Therefore, an important step in
evaluating the large scale structure of the Universe is filtering, which enables us
to set a lower limit to the length scales which we are interested in. To filter out
the overdensities occurring on scales smaller than Rf , we define a window function
W (r, Rf ). Most commonly used, and a window function we will also use in this
work, is the top-hat filter with radius Rf ,
WTH(r, Rf ) =
{
3
4πR3f
, r ≤ Rf ,
0, r > Rf .
(5.28)
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or its Fourier transform
WTH(k,Rf ) =
3
(kRf )3
(
sin(kRf )− kRf cos(kRf )
)
. (5.29)
This gives us the expression for the overdensity filtered over scale Rf ,
δRf (x, t) =
∫
δ(x− x′, t)W (x′, Rf ) dx′3. (5.30)
Using this expression, we can now define the statistical moments of the filtered
linear overdensity field. The first moment ⟨δRf (x, t)⟩ is naturally equal to zero, as
the linear overdensity has zero mean, while the second moment gives us after using
eqs. 5.24 and 5.30,
σ2Rf (t) ≡ ⟨δ
2
Rf
(x, t)⟩ = 1
(2π)3
∫
Plin(k) |W (k,Rf )|2 dk3, (5.31)
where the newly defined quantity σRf (t) is called the rms (root mean square) density
fluctuation. A specific definition for top hat filter radius Rf = 8h−1 Mpc at present
time t0 defines the value of the cosmological parameter σ8, currently estimated to
be approximately
σ8 ≃ 0.8. (5.32)
Calculating the linear power spectrum Plin(k, t) at different times in the evolution
of the Universe shows, that the linear power spectrum grows with time, as shown
in Fig. 5.2 (current time corresponds to redshift z = 0, while going back in time
results in higher redshift values). At small values of k (at large scales) the power
spectrum has the limiting behavior P(k) ∝ k, and at large values of k (at small
scales) the relation is P(k) ∝ k−3, both coming from the limiting behavior of the
transfer function T (k) from 5.20, and the expression for linear power spectrum 5.27.
The two regimes are separated at the length scale of the size of the horizon at matter-
radiation equality, due to the suppressed growth of structures during the radiation
domination. A commonly used dimensionless quantity is the dimensionless power
spectrum ∆(k, z), also shown in Fig. 5.3,
∆lin(k, z) = 4πk
3Plin(k, z). (5.33)
At a certain point, as the linear power spectrum grows, the non-linear dynamics
of structure formation become significant and the linear power spectrum is no longer
enough to describe the statistics of the Universe. We should again stress that the
PS has a cut-off at free streaming scale, i.e. that there are no arbitrarily small scales
that perturbations can grow at.
5.4 Formation of DM halos
As the perturbations in the Universe become nonlinear, we have to resort to numer-
ical simulations. At this point, it is important to stress that in the scope of this
work we use the so called “DM-only” simulations, which do not model baryonic mat-
ter. Although baryons experience radiative cooling, and a range of scale-dependent
processes that can impact the DM distribution (for example the feed-back from su-
pernovae can impact DM distribution on galaxy scales, while AGN feedback on the
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Figure 5.2: Linear power spectrum Plin(k, z) evaluated at different values of the
redshift z.
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Figure 5.3: Dimensionless linear power spectrum ∆lin(k, z) = 4πk3Plin(k, z) evalu-
ated at different values of the redshift z.
scale of galaxy clusters), they are usually not included in large cosmological simu-
lations. The simulations which explore the effects of baryons on DM distribution
are the so called “hydrodynamic” DM simulations, but they are rarely used because
those simulations are very expensive, the resolution is intrinsically worse than in
DM only simulations, and since baryon processes are scale dependent, the results
cannot really be extrapolated. For that reason we focus on DM only simulations for
now.
The results of the simulations can be expressed either in real space or in Fourier
space. Describing the results of the simulations in real space is usually done using
the HM approach, which assumes that all DM particles in the Universe exist in
different DM halos with specific sizes and masses. How DM halos are formed can
in a very simplified case be analytically described by the spherical top hat collapse
model, which assumes a homogeneous spherically symmetrical overdensity in a flat,
matter dominated Universe with density ρ̄(t). The overdensity with the density
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ρ(t) > ρ̄(t) and radius Rp(t) is symmetrically placed within an also spherical cavity
with radius R̄(t), so that
ρ(t)R3p(t) = ρ̄(t)R̄
3(t). (5.34)
Assuming that the background and the perturbation evolve independently from
each other, we can describe the dynamics of the perturbation with the Friedmann
equation for a closed universe,(
dR
dt
)2
=
8πG
3
ρR2 − c2, (5.35)
where R(t) = R0 a(t) represents the cosmological world radius at time t, with R0
essentially representing the initial condition which can be fixed at an arbitrary ref-
erence time t0. Using the definition of the dimensionless conformal time
τ =
c
R
dt, (5.36)
we can solve the Friedmann equation and describe the nonlinear growth of the
spherical overdensity of a perturbation with mass M,
δ(t) =
ρ(τ)
ρ̄(τ)
− 1 = 9
(
τ − sin(τ)
)2
2
(
1− cos(τ)
)3 − 1. (5.37)
When we are still in the linear regime, τ ≪ 1, we can expand the expression 5.37,
and by using the relation t ∝ τ 3 which holds in the linear regime, we obtain the
same relation as in the linear theory of structure formation,
δ(τ) ≃ 3
20
τ 2, → δlin(t) ∝ t2/3. (5.38)
As the structures grow and the perturbation leaves the linear regime, it eventually
becomes massive enough to stop expanding together with the background Hubble
flow. This is called the “turnaround” and after that the perturbation starts contract-
ing due to its own gravitational field. This lasts until the perturbation collapses
eventually reach a stable equilibrium satisfying the virial condition
2Ekin(Rvir) + Epot(Rvir) = 0, (5.39)
where Rvir is the radius of the perturbation once the condition is satisfied. As the
potential energy of a homogeneous sphere with mass M and radius R is
Epot(R) = −
3
5
GM2
R
(5.40)
and it holds that Epot(R) = (1/2)Epot(R/2), we can show that the virial condition
becomes satisfied at Rvir = Rmax/2, where Rmax is the radius of perturbation at the
“turnaround”. The overdensity δ(τvir) at the time of virialization is calculated using
two different estimated conformal time values, τ = 2π and τ = 3π/2,
∆vir ≡ δvir + 1 =
9
2
(τ − sin τ)2
⏐⏐⏐
τ=2π
(1− cos τ)3
⏐⏐⏐
τ=3π/2
=
9
2
(2π)2 ≃ 178. (5.41)
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The newly defined quantity ∆vir ≃ 178 is an important parameter in analyzing
the results of the numerical simulations, since a perturbation with the overdensity
∆ ≃ 178 is assumed to be fully virialized and is identified as a halo. The density of
the halo at the time of virialization is
ρvir = ∆vir ρ̄m, (5.42)
where ρ̄m is the mean matter density in the Universe. As the mean matter density
changes with redshift as ρm(z) ∝ (1+z)3, the virial density also changes accordingly.
In practice, however halos are often identified in results from numerical simulations
is with a density contrast ∆m = 200 with respect to the mean matter density. This
is the definition we will be using throughout this work. Similarly, a halo can also
be defined with a density contrast ∆c = 200 with respect to the critical density of
the Universe, ρc. The cut-off in the PS implies that there are the smallest halos
that can form, limited with smallest halo mass Mmin. The value of Mmin is model
dependent, as it depends on DM decoupling, i.e. the DM particle speed in the early
Universe. It is expected to be in the range Mmin ∈ [10−11, 10−3]M⊙ [13]. Most
numerical simulations can resolve halos down to about 106M⊙, so to predict their
properties at such small masses requires a rather extreme extrapolation.
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Chapter 6
The Halo Model and the Power
Spectrum approaches
There are two different approaches to theoretically predict the flux multiplier ζ
appearing in the equation for the gamma-ray flux originating in DM annihilation
and (or) decay. In this chapter we will describe both approaches in more detail. The
approach which was historically introduced first in the field of indirect DM search is
the Halo Model (HM) approach, which we describe in Sect. 6.1. It is based on the
assumption that DM clustering can be described by a notion of “halos” with different
properties (masses, concentration, redshift, etc.), which themselves contain smaller
structures, the so called sub-halos (which can again be described by the same set of
parameters). More recently, it was realized that to calculate the cosmological DM
signal, one does not need to use the HM picture, as all information is contained in
the non-linear power spectrum which can be directly read of from the simulations.
In Sect. 6.2 we will therefore describe a second approach, called the Power Spectrum
(PS) approach, which is based on the assumption that all the information about DM
density distribution can be described using only one quantity defined in the Fourier
space - the power spectrum P . Both approaches are widely used and although they
are significantly different in their structure and calculations, the results they each
give are generally in good agreement. The common feature of both approaches
is that they rely on the results from N-body simulation, which in term have the
resolution which is up to ≳ 10 orders of magnitude worse than the smallest scales
predicted by DM models. That implies that the accuracy and uncertainty of the
predictions will depend significantly on the reliability of the extrapolations to the
small scales, as we will discuss further in this chapter.
6.1 The Halo Model approach
As already stated, the HM approach assumes that all DM particles in the Universe
belong to different DM halos with specific sizes, masses, and redshift distributions.
The calculation of the flux multiplier ζ therefore depends on
• the halo mass function, which describes the number distribution of halos over
the whole halo mass range at a given redshift,
• halos density profile function, i.e. the DM density distribution within a given
halo and
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• the so called “concentration” of a halo, to be defined below,
as well as the specification of all of the above for the sub-halos. The number of
parameters and functions we need in this approach is relatively large, which brings
an uncertainty into the model. Writing all the ingredients necessary to evaluate the
flux multiplier ζ in the context of the HM approach together in an appropriate form,
gives us
ζ(z) =
1
ρc
∫
Mmin
dM
dn
dM
M
∆(z)
3
⟨F (M, z)⟩ . (6.1)
The function dn
dM
in the above equation is the halo mass function, ∆(z) is the mean
halo overdensity and function ⟨F (M, z)⟩ represents the part of the equation which
depends on the halo density profile function κ and the halo concentration parameter
c. The halo concentration parameter c is defined as the ratio of the radius of the
higher density DM region to the total virial radius of the halo. The function F
is then averaged over the probability distributions of the concentration parameter
values. This is the main equation we will be using in calculations presented in Ch.
7.
The quantity ∆ has already been mentioned in Ch. 5, where we used it to define
the mean overdensity of a region of space, in order for it to be defined as a halo.
We mentioned that it is usually set to ∆(z = 0) = 200. To refresh, in a spherical
collapse model a halo is defined as a spherical region with radius R in which the
average density is
ρ̄(z) = ∆(z) ρc, (6.2)
i.e. a factor ∆(z) times the critical density of the Universe. The mass M of a halo
is calculated simply as
M =
4πR3
4
ρ̄ =
4πR3
4
∆(z) ρc. (6.3)
The mean halo overdensity ∆(z) therefore sets the criterion by which a certain region
in the mass distribution from the simulation is identified as a halo. Defining ∆(z) as
in Eq. (6.2) gives us the mean halo overdensity defined in terms of the critical density
∆c(z). An alternative definition is ∆m, where the mean halo overdensity is defined
in terms of the mean density of the Universe ρm, i.e. ρ̄(z) = ∆m(z) ρm. In this
work we will use the first definition, using therefore ∆(z) = ∆c(z). The calculations
done in Ch. 7 will be limited to redshift z = 0, so defining the dependence of ∆
on redshift z is not necessary in our case. To briefly outline the calculation of ∆ at
different redshifts z, we define x = Ω(z) − 1, where Ω(z) = Ω0(1 + z)3/E2(z). The
parameter Ω0 is the total energy density of the Universe, while E(z) is calculated
using the density parameters for the pressureless matter Ωm, curvature Ωk and Dark
Energy ΩΛ of the universe,
E(z) =
√
Ωm(1 + z)3 + Ωk(1 + z)2 + ΩΛ. (6.4)
Using the mentioned quantities and parameters, we can define the dependence of
the mean halo overdensity on redshift ∆(z) for two models of the universe,
∆(z) = ∆c(z) = 18π
2 + 82x− 19x2 for Ωr = 0, (6.5)
∆(z) = ∆c(z) = 18π
2 + 60x− 32x2 for ΩΛ = 0. (6.6)
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The way mass is distributed inside a single halo is described by the halo density
profile. The most commonly used halo density profile is the Navarro-Frenk-White
[14] profile,
κ(r) ≡ ρ(r)
ρc
=
δc
(r/rs)(1 + r/rs)2
, (6.7)
where r is the distance from the center of the halo, rs is the characteristic radius
defined as rs = r200/c and δc is the characteristic overdensity of the halo defined as
δc =
200
3
c3
ln(1 + c)− c/(1 + c) , (6.8)
where c is the concentration parameter which we have mentioned already in the
beginning of this chapter. By defining a quotient r/rs = χ, we can redefine the
Navarro-Frenk-White density profile as simply
κ(χ) =
δc
χ (1 + χ)2
. (6.9)
We define the function F by using the selected density profile κ parameterized by a
dimensionless variable χ, and the concentration parameter c,
F (M, z) ≡ c3(M, z)
∫ c
0
dχχ2 κ2(χ)[ ∫ c
0
dχχ2 κ(χ)
]2 . (6.10)
Note that the halo concentration parameter c is used in the definition of function
F as an upper limits of integration as well as the multiplication factor. Again,
the brackets ⟨. . .⟩ around function F in Eq. 6.1 are denoting the average over the
probability distribution of c. All of the above has to also be specified for sub-halos,
or by using the boost function B(M), describing the sub-halos’ contribution to the
overall calculated flux multiplier ζ, i.e. specifying how much the gamma ray flux is
enhanced due to the presence of sub-halos.
There are different probabilities to find halos of different masses in the Universe
at different redshifts z. The function describing this probability distribution over
halo masses is called the halo mass function. The halo mass function dn/dM can
be written as
dn
dM
= f(σ)
ρm
M
d log σ−1
dM
, (6.11)
where the function f(σ) if a fitting formula fitted to the results of the simulation.
In our work we will use the fitting formula
f(σ) = A
[
1 +
(σ
b
)−a]
exp
(
− c
σ2
)
, (6.12)
with the values of the fitting parameters
A = 0.213, a = 1.8, b = 1.85 and c = 1.57.
The quantity σ used in Eq. 6.12 is the known rms density fluctuation which we have
already defined in Sect. 5.3. To recall, it is calculated using the power spectrum
P(k) and the window function W (k),
σ2(M, z) =
1
2π2
∫ ∞
0
P(k, z)W 2(k) k2dk. (6.13)
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where the usually used window function W (k) is a Fourier transform of the top-hat
filter,
W (k) =
3
k3
(
sin(k)− k cos(k)
)
. (6.14)
Since the halo mass function is obtained by fitting the parameters from Eq. (6.12)
to the results of N-body cosmological simulations, it is important to comment of the
limitations of this approach.
As mentioned previously, one of the biggest sources of the uncertainty is the
extrapolation of HM quantities to small masses, beyond the reach of simulations.
The lower limit of the integral in Eq. (6.1) is set by a theoretically predicted smallest
halo mass Mmin in the Universe, whose value depends on the theoretical model but
typically varies in the range from Mmin ∈ [10−11, 10−3]M⊙ [13]. At the same time,
the best numerical resolutions obtained so far can reach minimal masses Mmin ∼
108M⊙, which gives a difference to an actual smallest halo mass of about 11 to 19
orders of magnitude. In order to calculate the integral in Eq. (6.1) down to the
theoretically predicted smallest halo masses Mmin, all ingredients in the equation
have to be defined down to that mass. In the case of the HM approach, the overall
flux multiplier ζ is a product of several quantities, obtained as a fit to results of
numerical simulations, which need to be extrapolated independently over a large
number of magnitudes. Extrapolation of several quantities over many orders of
magnitude brings large uncertainties into the HM approach and encourages the
research for alternative approaches, such as the PS approach, which we will discuss
in the next section.
6.2 The Power Spectrum approach
The PS approach is based on the notion that all relevant information about a density
distribution can be contained in the power spectrum P(k). The matter density
distribution of DM in the Universe, represented by the flux multiplier ζ(z), can
therefore be simply expressed in terms of power spectrum as well. As well as the
HM approach, the PS approach relies on the results of the cosmological N-body
simulations, so the resolution is still limiting the scales to which we can measure
the power spectrum. The main difference comes from the fact that this approach
relates more directly to the results of the simulations and does not contain as many
model-dependent quantities and parameters. In the PS approach, the extrapolation
is performed in the Fourier space.
We have described the majority of equations used in the PS approach when
describing the statistics of the Universe in Ch. 5.3. To refresh, the matter density
distribution in the Universe can be described by the average density component ρ̄
and smaller density fluctuations δ on top of the average density:
ρ(z, Ω̂) = ρ̄(z) ·
[
1 + δ(z, Ω̂)
]
. (6.15)
We can use the density fluctuations δ to define a two-point correlation function
ξ(z, r) ≡ ⟨δ(z,x+ r)δ(z,x)⟩ , (6.16)
where the brackets denote the average over the angular direction Ω̂. The flux mul-
tiplier ζ(z) is defined as the two-point correlation function when r → 0,
ζ(z) ≡ lim
r→0
ξ(z, r), (6.17)
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while writing the two-point correlation function ξ(z) in the momentum space gives
us the definition of the nonlinear power spectrum Pnl(k, z),
ξ(z, r) = ⟨δ(z,x+ r)δ(z,x)⟩ =
∫
d3k
(2π)3
eik·r Pnl(k, z). (6.18)
Applying the limit r → 0 and using the differential d3k = 4πk2dk gives us for the
flux multiplier
ζ(z) = lim
r→0
ξ(z, r) = ξ(z, 0) (6.19)
= lim
r→0
∫
dk
4πk2
(2π)3
eikr Pnl(k, z) (6.20)
=
∫
dk
k2
2π2
Pnl(k, z) (6.21)
≡
∫
dk
k
∆nl(k, z). (6.22)
In the last line we defined the dimensionless nonlinear power spectrum ∆nl,
∆nl(k, z) ≡
k3Pnl(k, z)
2π2
, (6.23)
which can be directly measured in cosmological simulations. The flux multiplier is
therefore calculated simply as
ζ(z) ≡
∫ kmax
0
dk
k
∆nl(k, z), (6.24)
where k denotes the scales in the Fourier space over which the power spectrum is in-
tegrated. Smaller values of k represent larger scales, while larger k values correspond
to smaller scales.
Similarly to the minimal mass Mmin resolution in the HM approach, the value
kmax in the PS approach represents the limiting value to which the simulations
can provide us with information. The calculation of ζ(z) is again limited by the
resolution of simulations, but in this case the resolution of simulation sets the upper
limit of integration. In order to get the most accurate results, we have to extrapolate
the power spectrum to the smallest possible scales. At the same time, the values of
the power spectrum at smallest scales are the most important, as the power spectrum
is increasing with k, giving the main contribution to the overall value of the integral
in 6.24. The error bars are highly dependent on the cutoff value kmax, which means
that obtaining simulation results with better resolution is of the utmost importance,
and will be discussed further in Ch. 8.
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Chapter 7
The Halo Model approach: results
In this chapter we will look at the results obtained by using the HM approach. We
will discuss the more technical details of the approach and describe the equations
we used, as well as compare our results with the results from the literature and
in particular the publication FermiCosmo2015 which we aim to update with our
work. First, we will specify the values of the cosmological parameters used in our
calculations, and then proceed with explaining the main quantities as well as showing
all the plots and final results obtained by using the HM approach.
7.1 The cosmological parameters
There are several cosmological parameters (listed in Tab. 7.1) which determine the
value of the linear PS, as well as of the non-linear growth, and therefore impact the
outcome of the N-body simulations. Different N-body simulation suits use different
values of parameters (for historical reasons), and it is important to keep the same
values when comparing among different results.
In all the calculations in this chapter, we will use the Planck 2013 [9] cosmological
parameters, specified in the Tab. 7.1, as these are i) consistent with currently the
most precise values available, Planck2018 [3], and ii) used in the FermiCosmo2015,
to which we want to compare our results for the flux multiplier ζ(z), in the first step
of our work.
7.2 Ingredients of the Halo Model Approach
The concentration parameter As we have seen previously in Ch. 6 (eqs. 6.1
and 6.10), the concentration parameter c enters with a third power in the deter-
mination of ζ and therefore has a strong impact on its value. In a nutshell, the
concentration parameter depends both on the mass of the host halo M and on the
redshift z. More simply, it can be described as a function of only one parameter, σ,
which is defined in Eq. 7.1, and represents the rms density fluctuation in spheres
containing mass M at a redshift z. We therefore take c(σ) parameterization from
Prada et al. (2012) [15] as described below in eqs. 7.4 to 7.9, and then go back to
the dependence c(M, z) on the parameters M and z using either the power spectrum
P(k) parameterization to calculate σ(M, z), or a fitting formula.
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Name of the parameter Parameter’s value
Dimensionless Hubble parameter h = 0.673,
Spectral index ns = 0.9603,
Baryon density Ωb = 0.02205/h2,
Total matter density Ωm = 0.315,
Cold DM density Ωc = 0.1199/h2,
Dark Energy density ΩΛ = 1− Ωm,
Variance σ8 = 0.834.
Table 7.1: Table of the values of the Planck 2013 cosmological parameters, which
will be used for calculations presented in this chapter. The dimensionless Hubble
parameter h defines the value of the Hubble parameter as H = h 100 km s−1 Mpc−1.
As we specified in Ch. 6, we calculate σ(M, z) in terms of the power spectrum
P(k), the window function W (k,M) and the linear growth factor D(a),
σ(M, z) = D(a)
( 1
2π2
∫ ∞
0
P(k)W 2(k,M)k2dk
)1/2
, (7.1)
where the linear growth factor is calculated as
D(a) =
5
2
(
Ωm,0
ΩΛ,0
)1/3 √
1 + x3
x3/2
∫ x
0
x3/2dx
[1 + x3]3/2
, x ≡
(
ΩΛ,0
Ωm,0
)1/3
a, (7.2)
and normalized to unity at redshift zero, D(1) = 1. Note also that P(k) here is com-
puted for a given simulation. We calculate our power spectrum using Eisenstein&Hu
(1998)[16]. This parameterization will allow us, in particular, to extrapolate to lower
masses in a physically motivated way. In the plots, our results are compared to the
results calculated by using the power spectrum used to obtain the results in the
FermiCosmo2015, as communicated to us by the authors. In their approach they
used a combination of CAMB software for calculation of P(k) up to k ∼ 500 and
then extrapolating the spectrum to larger values of k using the BBKS shape [17].
It is important to mention that extrapolation to lower masses in the Eisenstein&Hu
approach, which we are using, should be more accurate than the approach used by
the authors of the FermiCosmo2015 paper and will therefore be used as a benchmark
in our calculations. The comparison of σ(M) derived with the two PS is shown in
Fig 7.1.
Another way to calculate rms density fluctuations σ(M,a) is by using the fitting
function for the cosmological parameters of the Bolshoi simulation, as defined in
[18],
σ(M,a) = D(a)
16.9 y0.41
1 + 1.102 y0.20 + 6.22 y0.333
, y ≡ M−1. (7.3)
This approximation is valid at higher masses, M > 107h−1M⊙, where its accuracy
is better than 2%, but the results are not giving the right values of σ at masses
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below this value. The comparison of different results for σ are shown in Fig. 7.1.
Since the fitting formula 7.3 is only valid at higher masses, this means that using
Eq. 7.3 in calculations of c will give inaccurate results for the concentration values
at lower masses. This can be nicely seen in Fig. 7.2 where the results obtained by
using the two different power spectra P(k) to calculate σ or directly using the fitting
formula to calculate σ, and use it to calculate c(M, z). Our results are shown in blue,
the results obtained using the same power spectrum as authors of FermiCosmo2015
are shown in black, and the results coming from the “simplified” fitting formula are
shown in red.
z = 0
Eisenstein&Hu (our work)
CAMB + extrapol. (FermiCosmo2015)
oversimplified fitting formula
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Figure 7.1: The comparison of function σ(M) at redshift z = 0 calculated either
by using Eq. 7.1 with the Eisenstein&Hu PS (blue line), or with the CAMB PS
extrapolated using the BBKS shape (black line), or by directly using the σ fitting
formula 7.3 (red line). The Eisenstein&Hu results are for about 25% higher than
CAMB+extrapol. results at mass 10−10 h−1M⊙.
The procedure to calculate the concentration parameter values c, once we have
obtained the function σ(M, z), are described below. We start by writing the equation
for the concentration parameter in terms of functions C and B0, B1 and σ′,
c(M, z) = B0(x) C(σ′), (7.4)
σ′ = B1(x)σ(M,x), (7.5)
C(σ′) = A
[(
σ′
b
)c
+ 1
]
exp
(
d
σ′2
)
, (7.6)
which are described mainly by fitting functions, as in case of the function C(σ′), or
by expressions including fitting function, as in the case of functions B0 and B1,
B0(x) =
cmin(x)
cmin(1.393)
, B1(x) =
σ−1min(x)
σ−1min(1.393)
, (7.7)
where the functions cmin and σ−1min define the minimum of the halo concentrations
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z = 0
Eisenstein&Hu (our work)
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Figure 7.2: The dependence of the concentration parameter c on mass M at redshift
z = 0. Solid blue line is our calculation using our PS to calculate σ (outlined above)
and the solid black line is calculated with the CAMB PS extrapolated using the
BBKS shape. The red line is the fitting function from Eq. 7.3. We see that there
is no flattening in the red line due to it being a fitting formula valid only at large
masses, where it matches the other two lines. The ratio between the red and blue
(or black) line at lower masses is of the order ∼ 5 at M ∼ 10−10 h−1M⊙. All three
lines are obtained using the Planck 2013 cosmological parameters.
and the value of σ at the minimum,
cmin(x) = c0 + (c1 − c0)
[
1
π
arctan [α (x− x0)] +
1
2
]
(7.8)
σ−1min(x) = σ
−1
0 + (σ
−1
1 − σ−10 )
[
1
π
arctan [β (x− x1)] +
1
2
]
. (7.9)
The parameter values used in the fitting formulas for function C(σ′), cmin(x) and
σ−1min(x) are specified in Tab.7.2 below.
The function F The function F (M, z) depends highly on the value of the con-
centration parameter c and we define it as in FermiCosmo2015,
F (M, z) ≡ c3(M, z)
∫ c
0
dx x2κ2(x)[∫ c
0
dx x2 κ(x)
]2 , (7.10)
with the Navarro-Frenk-White [14] density profile
κ(x) =
ρc
x (1 + x)2
. (7.11)
Results for function F (M, z) are shown in Fig. 7.3. We see that the functions used
in FermiCosmo2015 (black) and the function used with Eisenstein&Hu PS (blue)
lead to a relatively similar function, with the difference of a factor of ∼ 1.2 at mass
105 h−1M⊙ and ∼ 1.7 at 10−10 h−1M⊙.
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A b c d
2.881 1.257 1.022 0.060
c0 c1 α x0
3.681 5.033 6.948 0.424
σ−10 σ
−1
1 β x1
1.047 1.646 7.386 0.526
Table 7.2: The parameter values used in the fitting formulas for functions C(σ′)
defined in Eq. 7.6, cmin(x) defined in Eq. 7.8, and σ−1min(x) defined in Eq. 7.9.
z = 0
Eisenstein&Hu (our work)
CAMB + extrapol. (FermiCosmo2015)
oversimplified fitting formula
-10 -5 0 5 10 15
2
3
4
5
6
log(M) [h-1M
⊙
]
lo
g
(F
)
Figure 7.3: The dependence of function F (M, z) on mass M at redshift z = 0. The
color-coding is the same as in Fig. 7.2. Since the function F depends strongly on
the concentration parameter c, we can see that the shapes of the functions are very
similar. The values for all lines match reasonably well at large masses, while the
ratio between the red line and the blue (black) line is now of the order ∼ 40 (∼ 70)
at smaller mass M ∼ 10−10 h−1M⊙, as expected from the cubic dependence on c in
Eq. 7.10.
Halo mass function For the halo mass function we use [19] with parameters
presented in Prada et al. (2012)[15],
dn
dM
= f(σ)
ρm
M
d log σ−1
dM
, (7.12)
where the function f(σ) is given by,
f(σ) = A
[
1 +
(σ
b
)−a]
exp
(
− c
σ2
)
, (7.13)
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with the parameters, A = 0.213, a = 1.80, b = 1.85, and c = 1.57. The derivative
of σ(M, z) can be calculated numerically. The halo mass function’s dependency
on mass M is shown in Fig. 7.4. We again see that the functions used in Fermi-
Cosmo2015 (black) and the function used with Eisenstein&Hu PS (blue) lead to a
relatively similar mass function, with the difference of a factor of ∼ 1.2 at mass
105 h−1M⊙ and ∼ 0.7 at 10−10 h−1M⊙.
z = 0
Eisenstein&Hu (our work)
CAMB + extrapol. (FermiCosmo2015)
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Figure 7.4: The dependence of the halo mass function dn/dM(M, z) on mass M at
redshift z = 0. Again, the color-coding is the same as is the two previous figures.
Also, note that the fitting formula for σ(M) (red line) is not supposed to be valid
for low masses.
Boost In this section we will present three different fitting functions for the boost,
which quantifies how much a gamma-ray signal from a given halo is enhanced due
to the presence of sub-halos. The first will be described by the fitting function in
[20],
log10B(M, z = 0) =
5∑
i=0
bi
[
ln
(
M
M⊙
)]i
. (7.14)
All the parameter values, also for the other fitting formulas are given in Tab.7.3.
The accuracy of this parameterization is better than 5% in the mass range between
106M⊙ < M < 10
16M⊙. Since we want to compare with the results for ζ from
FermiCosmo2015, we will choose this boost function as default later in our calcu-
lations. In addition, we will use a more recent work of Moliné et al. (2017) [21],
which provides a more accurate parameterization for the boost factor, as it takes
into account different evolutionary properties between field halos and sub-halos. The
FermiCosmo2015 fit is shown in Fig. 7.5 (green line), together with the Moliné et al.
(2017) boost parameterization (purple lines), taken from two different parameteri-
zations characterized by α = 2 and α = 1.9 (full line and dashed line, respectively),
log10B(M, z = 0) =
5∑
i=0
bi
[
log
(
M
M⊙
)]i
. (7.15)
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z = 0
FermiCosmo2015 boost
Updated boost, Moline+2017, α = 2
Updated boost, Moline+2017, α = 1.9
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Figure 7.5: The dependence of the fitting functions for boost B on mass M . The
green line shows the boost fitting function used in the FermiCosmo2015 paper,
defined in Eq. 7.14 with parameters from Tab. 7.3. The two purple lines show
the updated boost fitting function from Moliné et al. (2017) [21] for two different
parameterizations characterized by α, as defined in Eq. 7.15. The fitting function
parameters are also shown in Tab. 7.3.
i bi α 2 1.9
0 -0.442 b0 -0.186 −6.8× 10−2
1 0.0796 b1 0.144 9.4× 10−2
2 -0.0025 b2 −8.8× 10−3 9.8× 10−3
3 4.77 · 10−6 b3 1.13× 10−3 1.05× 10−3
4 4.77 · 10−6 b4 −3.7× 10−5 −3.4× 10−5
5 −9.69 · 10−8 b5 −2× 10−7 −2× 10−7
Table 7.3: The boost parameters used in fitting formulas defined in Eq. 7.14 (left
table side) and in Eq. 7.15 for two different parameterizations characterized by
α = 2 and α = 1.9 (right table side), respectively.
The flux multiplier The flux multiplier ζ(z) is the final quantity we aim to
calculate in this work. It enters directly in the calculation of the gamma-ray flux as
a product with quantities which depend on particle properties of DM, as shown in Eq.
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4.8. For the flux multiplier we are using the expression defined in FermiCosmo2015,
which we have already specified in Ch. 6, Eq. 6.1,
ζ(z) =
1
ρc
∫
Mmin
dM
dn
dM
M
∆(z)
3
(1 +B) ⟨F (M, z)⟩ . (7.16)
Let us first take a look at the integrand function appearing in the above equation,
finteg.(M, z) =
dn
dM
M
∆(z)
3
(1 +B) ⟨F (M, z)⟩, (7.17)
which is plotted in Fig. 7.6. The blue lines shown in that plot are obtained by using
the Eisenstein&Hu power spectrum to calculate results for the halo mass function
dn/dM and function F , together with either the FermiCosmo2015 boost (full line)
or the updated Moliné boost (dashed line). The black line is plotted using the
power spectrum which the authors of FermiCosmo2015 used to calculate the halo
mass function dn/dM and function F , and then again using the FermiCosmo2015
boost.
z = 0
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Figure 7.6: The dependence of the integrated function finteg. on mass M at redshift
z = 0, as defined in Eq. 7.17. The blue lines shown in that plot are obtained by using
the Eisenstein&Hu power spectrum to calculate results for the halo mass function
dn/dM and function F , together with either the FermiCosmo2015 boost (full line)
or the updated Moliné boost (dashed line). The black line is calculated using the
power spectrum used by the authors of FermiCosmo2015 to calculate the halo mass
function dn/dM and function F , and then again using the FermiCosmo2015 boost.
As the three curves are very similar and cover a wide range of values, there are
two ratios of integrand functions plotted in Fig. 7.7. The two ratios are obtained by
dividing the Eisenstein&Hu approach with the FermiCosmo2015 authors’ approach,
for the two different boost options used in combination with the Eisenstein&Hu
calculation. As we see in the plot, the updated Eisenstein&Hu power spectrum
results give up to ∼ 2 times larger integrand values than using the FermiCosmo2015
functions.
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Figure 7.7: The dependence of the ratio of integrated function finteg.(M, z) on mass
M at redshift z = 0. The orange line shows the ratio of the Eisenstein&Hu approach
with the FermiCosmo2015 boost and the FermiCosmo2015 authors’ approach with
the same boost. The brown line shows the ratio of the Eisenstein&Hu approach
with the updated Moliné boost and again the FermiCosmo2015 authors’ approach
with the FermiCosmo2015 boost.
Using numerical integration to calculate the flux multiplier ζ(Mmin, z = 0) from
Eq. 7.16 gives us the results shown in Fig. 7.8. As seen in the figure, the Fer-
miCosmo2015 ζ values get larger by a factor of ∼ 1.3 if we change to the new PS
function (full blue line with respect to the black line) and by a factor of ∼ 2 higher
if we add the updated boost (blue dashed line with respect to the black line). We
are in a close contact with the authors of FermiCosmo2015 and are still polishing
some remaining technical differences with their calculation.
In summary, our results suggest that ζ(0) increase by a factor of 2 with respect to
FermiCosmo2015 values, when more accurate value for the linear PS and the boost
values updated to Moliné et al. (2017) work are implemented. Increased value of ζ
would lead to 2 times stronger DM limits, if the same Fermi data and astro modeling
are used as in the FermiCosmo2015 paper.
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z = 0
Eisenstein&Hu, FermiCosmo2015 boost
Eisenstein&Hu, Moline+2017 boost, α = 2
CAMB + extrapol., FermiCosmo2015 boost
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Figure 7.8: The dependence of the flux multiplier ζ(Mmin, z) on the minimal halo
mass Mmin at redshift z = 0. The color-coding is the same as in Fig. 7.6. The
results show that if we switch to a more appropriate Eisenstein&Hu approach in
calculating the power spectrum P(k, z) (blue full line) the flux multiplier ζ gets
∼ 1.3 times higher than the results calculated using the FermiCosmo2015 authors’
approach (black line). If we add an updated Moliné boost (blue dashed line), the
values get ∼ 2 times higher.
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The Power Spectrum approach:
results
In this chapter we present the results obtained by measuring the power spectrum
P(k) of the Lomonosov N-body cosmological simulation. The PS approach has al-
ready been described in detail in Ch. 6.2, so we will rely on equations presented
there. The simulation used in FermiCosmo2015 for the PS measurement was the Mil-
lennium simulation (MS) [22]. This is currently the highest resolution cosmological
simulation, however, the Lomonosov simulation, and other MultiDark 1 simulations
[23] from the same simulation suite are reaching the MS resolution and will soon
surpass it, allowing us to update the FermiCosmo2015 results with a better precision
measurement.
We will begin by describing the Lomonosov simulation in Sect. 8.1, and then
continue directly to the power spectrum results in Sect. 8.2. We will also compare
our measured power spectrum with the power spectrum that was measured using
the MS in Sect. 8.2, and comment on the other soon-to-be-available high resolution
simulations from the MultiDark suite, which we plan to use in the near future.
8.1 The Lomonosov simulation
In order to lower the uncertainty in the value of the flux multiplier ζ(z), we want to
measure the power spectrum P(k) using cosmological N-body simulations with the
lowest possible mass resolution, i.e. to the highest possible k-values. For that reason
we focus on the recent Lomonosov simulation. It has a good resolution (comparable
to the best resolutions used so far, such as MSII), and at the same time it uses
updated values for cosmological parameters, as measured by the Planck satellite
(while MSII used outdated values from WMAP first year values, which are in tension
with the most recent Planck values). In addition, the Lomonosov simulation i) is
part of the MultiDark suites, which are expected to have additional higher-resolution
simulations publicly available soon and ii) Lomonosov has also performed zoomed-in
simulations, i.e. simulating the evolution of matter density distribution with higher
resolution, within the smaller regions of space. Since the same computing power can
now simulate the Universe using particles with smaller masses than in case of a larger
simulation, this gives us a better resolution from which more precise results can be
1https://www.cosmosim.org/cms/documentation/projects/multidark-bolshoi-project
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obtained. In summary, we used the full-size (cosmological) Lomonosov simulation
to obtain results presented in the next section, while the measurement of the power
spectrum using zoom-in simulation as well as measurement of power spectrum of
the upcoming MultiDark cosmological simulations is left for future work.
As stated, the Lomonosov simulation consists of four Dark-Matter-only sim-
ulations run at the Lomonosov super computer of the Moscow State University
computer center2, using the same Planck 2013 cosmological parameters [9] which we
specified in Ch. 7.1. The full-box simulation covers a box with dimensions L = 32h−1
Mpc, where the particles used in simulation are of the mass M = 2 · 107 h−1M⊙,
setting the mass resolution of the full-box simulation [24]. As menitoned, three
additional zoom-in simulations were also run, showing the evolution of density dis-
tribution in an overdense, underdense and a mean density region. The particles used
in these simulations were of the mass M = 4 · 104 h−1M⊙, which means that the
resolution of the zoom-in simulations is almost 3 orders of magnitude better than
the resolution of a full-box simulation. All simulations were run with 5123 particles,
which in case of the three zoom-in simulations correspond to an effective resolution
of 40963 particles. The simulation snapshots were produced at different redshifts
z, with the minimal redshift set to z = 1. The authors of the simulations are still
running the z = 0 snapshot, which should become available for use shortly. In the
next section, we will use the simulation snapshot at z = 1, 2, 3, 5 to measure our
power spectrum, P(k).
8.2 Measurement of the power spectrum using the
Lomonosov simulation
Measuring the PS from simulation snapshot at a certain redshift z is done by using a
method based on the FFT (Fast Fourier Transform) of the density field estimated on
a regular spatial grid. As we have already described in Sect. 6.2, the flux multiplier
ζ(z) can be calculated using the nonlinear PS, Pnl(k, z),
ζ(z) =
∫ kmax
0
dk
k
k3Pnl(k)
2π2
, (8.1)
or using the dimensionless nonlinear power spectrum ∆nl(k) = 4πk3Pnl(k),
ζ(z) =
∫ kmax
0
dk
k
∆nl(k). (8.2)
We see that the value of ζ(z) depends on ∆nl(k) and a cutoff value kmax. The
nonlinear power spectrum is directly calculated from the given N-body simulation,
whereas the cutoff value kmax depends on the proposed DM particle model. The value
of ζ(z) is highly dependent on the value of kmax, since the integral is dominated by
the power spectrum at large values of k which corresponds to smaller mass scales, as
we already explained [25]. To accurately determine the value of ζ(z) it is therefore
crucial to measure the dependence ∆nl(k) to the highest possible values of k.
The measurement is done using the code PowerI4 3 made by E. Sefusatti [26],
who was a collaborator via the “StudyInItaly” program grant. In order to apply it to
2http://parallel.ru
3https://github.com/sefusatti/PowerI4
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the Lomonosov simulations (and in general to the MultiDark suite) some parameters
needed to be changed, such as the density grid size, usually limited by the memory
available for computation.
The dimensionless non-linear power spectrum ∆nl(k) measured of the full box
Lomonosov simulation at the redshift z = 1 is shown in the Fig. 8.1. The results
obtained by using the Lomonosov simulation (black line) are compared to the results
measured of the Millennium Simulation (MS) and Millennium Simulation II (MSII)4
[27] presented in [26]. The full thin lines represent the shot-noise values of the
measurements Sn(k), which are proportional to one over the number density of
particles used in the simulation, n̄ = Np/L3, where L is the size of the box and
Np = N
3 is the total number of particles,
Sn(k) =
4π k3
(2π)3 n̄
=
k3
4π2
L3
Np
. (8.3)
The difference between the measured power spectra of the Lomonosov and the Mil-
lennium (II) simulations is due to the different values of cosmological parameters
used in the simulations, though we can see that the slopes of the curves do match
despite the offset.
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Figure 8.1: The dimensionless non-linear power spectrum ∆nl(k) measured of the
full-box Lomonosov simulation at the redshift z = 1 (black line) compared to the
results from the Millennium and Millennium II simulations (blue and red lines re-
spectively) obtained at the same redshift. The full thin lines represent the corre-
sponding shot-noise values of the measurements. The off-set between the MS(II)
and the Lomonosov results is due to different cosmological parameters used in the
simulations, and is of the order ∼ 1.5 on average.
4https://wwwmpa.mpa-garching.mpg.de/millennium
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We already stated that the aim of the N-body simulations is to simulate the
structure formation with mass resolutions as close to the order of magnitude of
smallest DM halos as possible. This is obtained by using zoom-in simulations, such
as the before mentioned Lomonosov simulation, which simulate a smaller portion
of the universe with higher resolution. Importantly, another suite of N-body simu-
lations, coming from the same group and with the same cosmological parameters,
will soon be available. Those MultiDark suite [23] simulations will reach much bet-
ter resolution for the full cosmological simulations. We are in the contact with the
authors and will be able to measure the PS of those simulations when they become
publicly available. The number of particles and sizes of the simulations ran as part
of this project are written in Table 8.1. The information presented in the table can
be used to calculate the shot-noise values for these simulations. The improvement
is significant, as seen in Fig. 8.2, where the improved shot-noise values, together
with the shot-noise values for the Lomonosov and Millennium (II) simulations, are
presented. In particular it can be seen that “Small” (SMDPL) and “Very Small”
(VSMDPL) MultiDark simulations will have a significantly better resolution. In
Fig. 8.3 we show measurements of the PS of the Lomonosov simulation, which we
performed also at higher redshift slices. They are also in good agreement with MS
II.
The measured PS values limited by resolution of a used simulation have to be
extrapolated. In FermiCosmo2015 the authors used the measured PS up to the
point where the PS was affected by the shot noise at a 1% level, which corresponds
to the value k∗ ∼ 200. From that value, to the expected cut-off value kcutoff ∼ 107,
two kinds of extrapolations were performed:
• conservative, assuming a flat PS, i.e. ∆(k) = const. beyond k∗,
• optimistic, assuming that the slope of the PS is the same as just before k∗
(which overpredicts the PS, as the function is expected to flatten).
We will apply the same procedure to our measurement, once we measure the PS
using the MultiDark suite simulations.
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Simulation L N Shot-noise
Lomonosov 32 Mpch−1 512 9.84×10−7
Millennium 500 Mpch−1 2160 5.00×10−5
Millennium II 500 Mpch−1 2160 4.00×10−7
MultiDark-Planck (MDPL) 1 Gpch−1 38403 7.118×10−8
MultiDark-Planck 2 (MDPL2) 1 Gpch−1 38403 7.118×10−8
Big MultiDark-Planck (BigMDPL) 2.5 Gpch−1 38403 1.112×10−6
Small MultiDark-Planck (SMDPL) 400 Mpch−1 38403 4.556×10−9
BolshoiP 250 Mpch−1 20483 7.330×10−9
Very Small MultiDark-Planck (VSMDPL) 160 Mpch−1 38403 2.916×10−10
Huge MultiDark-Planck (HugeMDPL) 4 Gpch−1 40963 3.754×10−6
Table 8.1: A table of box sizes L and numbers of used particles Np = N3 together
with the calculated values for the shot-noise, for different simulations mentioned in
this chapter. The shot-noise values of all the listed simulations are plotted in Fig.
8.2.
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Figure 8.2: Shot-noise values of different N-body cosmological simulations mentioned
in this chapter, as calculated from Table 8.1.
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Figure 8.3: The dimensionless nonlinear PS, ∆(k), measured of the Lomonosov
simulation at four different values of the redshift z.
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Conclusion
Search for a DM signal in astrophysical data is one the most promising means of
potentially solving the long standing puzzle of the particle physics nature of a DM
particle. Thanks to the powerful high-energy astrophysical experiments running in
the past decade, the parameter space of one of the most popular DM candidates,
WIMPs, is becoming severely constrained in the low mass (≲ 100 GeV) range. Some
of the most stringent limits are derived based on the gamma-ray data from the Fermi
LAT. Cosmological gamma-ray signal from annihilating DM, i.e. the cumulative
signal of DM particles annihilating in all DM halos at all redshifts, proved to be a
competitive target for DM search with the Fermi LAT, especially in the ≳ 100 GeV
mass range, and the most recent constraints were derived in FermiCosmo2015.
Since this work, there have been several important improvements that resulted in
the ongoing effort within the Fermi LAT to re-derive the limits, by using i) almost
12 years of data, ii) updated modeling of the astrophysical backgrounds and iii)
updated theoretical predictions for the cosmological DM signal. This thesis made
part of this initiative, and was focused on the point iii) above.
In the introductory chapters we reviewed the physics of DM clustering and its
potential gamma-ray signals and then focused on the calculation of the DM cluster-
ing contribution to the gamma ray signal, the so called ζ factor. It can be performed
in two ways, the so called HM and PS approaches.
Our results suggested that the flux multiplier values increase by a factor of 2 with
respect to FermiCosmo2015 values, when more accurate value for the linear PS and
the boost values updated to Moliné et al. (2017) work were implemented. Increased
value of ζ would lead to 2 times stronger DM limits, if the same Fermi data and
astro modeling are used as in the FermiCosmo2015 paper. We are in a close contact
with the authors of FermiCosmo2015 and are in the process of understanding some
of the technical differences with their calculation, in the pursuit to finalize this part
of the research for publication.
In the context of the PS approach, we measured the power spectrum of the full-
box Lomonosov simulation and compared our results with the PS measured of the
Millennium (II) simulations. That is currently the highest resolution cosmological
simulation, however, the Lomonosov simulation, and other MultiDark simulations
from the same simulation suite are reaching the MSII resolution and will soon surpass
it, allowing us to update the FermiCosmo2015 results with a better precision mea-
surement. We found that the PS measured on the MSII and Lomonosov simulations
agree very well, with a small offset of the order ∼ 1.5, on average. The difference be-
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tween the measured power spectra of the Lomonosov (our work) and the Millennium
(II) simulations was due to the different values of cosmological parameters used in
the simulations (with the Lomonosov simulation using state-of-the-art parameters),
though we see that the slopes do match despite the offset.
In summary, we used the full-size (cosmological) Lomonosov simulation to obtain
results presented in the thesis, while the measurement of the power spectrum using
zoom-in simulation as well as measurement of power spectrum of the upcoming
MultiDark cosmological simulations is left for future work. We are in the contact
with the authors and will be able to measure the PS of those simulations when they
become publicly available. The expected improvement in resolutions is significant, in
particular in case of the “Small” (SMDPL) and “Very Small” (VSMDPL) MultiDark
simulations.
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Razširjeni povzetek v slovenskem
jeziku
Uvod Iskanje t.i. temne snovi je bilo pomembno prizadevanje tako fizike del-
cev kot astrofizike in kozmologije vse od tridesetih let prejšnjega stoletja, ko so
znanstveniki prvič opazili, da je v vesolju več mase, kot je lahko pripišemo vidnim
objektom. Uporabljene metode pri iskanju delcev temne snovi so odvisne od last-
nosti temne snovi. Teoretična fizika delcev ponuja teoretične modele, ki opisujejo
interakcije delcev temne snovi z delci Standardnega modela, predlagajo kandidate
za delce temne snovi, opisujejo njihovo anihilacijo in razpad, možen razpon mas, itd.
Med tem nam razumevanje razvoja in nastajanja struktur v vesolju daje informacije
o porazdelitvi temne snovi. Posredno iskanje temne snovi meri tokove astrofizikalnih
delcev (nabitih kozmičnih delcev, sevanja gama ali nevtrinov) in jih primerja tako
s pričakovanimi vrednostmi tokov, ki prihajajo iz astrofizikalnih izvorov, kot tudi s
prispevkom, ki ga doprinesejo delci temne snovi (znotraj določenega modela inter-
akcij temne snovi same s seboj in z delci Standardnega modela).
Detekcija sevanja gama je eden najbolj obetavnih načinov za iskanje temne snovi,
saj se fotoni gama po vesolju gibljejo po skoraj ravni črti in s tem omogočajo, da
precej natančno določimo njihov izvor. Skupaj z Galaktičnim centrom, v katerem
sta tako pričakovan signal sevanja gama kot tudi astrofizikalno ozadje največja, in
pritlikavimi satelitskimi galaksijami, ki naj bi sevale manj sevanja gama, a bile hkrati
tudi brez astrofizikalnega ozadja, je signal, ki prihaja iz anihilacije temne snovi po
celotnem vesolju, eno najbolj konkurenčnih sredstev za preučevanje narave delcev
temne snovi. Kozmološki signal temne snovi izvira iz kumulativne emisije sevanja
gama, ki je posledica anihilacije delcev temne snovi pri vseh rdečih premikih z,
zato doseže Zemljo v obliki (v prvem približku) izotropnega signala. Da omejimo
lastnosti temne snovi, je potrebno izračunati prispevek, ki ga k zaznanemu toku
sevanja gama prispevajo zgoščena področja temne snovi, ki jim z eno besedo prav-
imo haloji (ang. halos). To pomeni, da je potrebno strukture, ki jih tvori temna
snov, ter njihovo porazdelitev po vesolju podrobno opisati. Največja negotovost pri
opisovanju porazdelitve temne snovi izvira iz opisa manjših struktur in njihove po-
razdelitve, saj so numerične simulacije, s katerimi si pri opisovanju razvoja struktur
temne snovi pomagamo, omejene z masno ločljivostjo. Najboljša masna ločljivost,
ki jo numerične simulacije dosegajo, je reda ∼ 106M⊙, kar pomeni, da porazdelitve
in lastnosti struktur, ki so manjše od teh vrednosti, s pomočjo simulacij ni mogoče
analizirati. Izotropna emisija sevanja gama, ki je merjena s satelitom Fermi Large
Area Telescope (Fermi LAT) [1], je bila uporabljena za določitev limit na vrednost
anihilacijskega preseka temne snovi v več člankih - nazadnje v članku [2], ki ga bomo
v nadaljevanju imenovali FermiCosmo2015. Od leta 2015 je Fermi LAT skoraj pod-
vojil količino zbranih podatkov in izboljšal modeliranje astrofizikalnih ozadij, poleg
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eksperimentalnih izboljšav pa so se v teh letih izboljšali tudi teoretični opisi struktur
temne snovi v vesolju in njihovega nastajanja. Zato si znanstveniki v Fermi LAT
kolaboraciji prizadevajo za ponoven izračun limit na lastnosti temne snovi, tokrat z
uporabo izboljšanih podatkov in teoretičnih modelov. V sklopu tega prizadevanja
so nastali tudi rezultati predstavljeni v tem delu, kjer se osredotočamo na teoretični
opis zgoščevanja temne snovi v želji, da posodobimo napovedi za signal sevanja gama
izsevanih pri anihilaciji temne snovi in se pri tem opremo na rezultate najnovejših
večdelčnih kozmoloških simulacij.
Porazdelitev gostote temne snovi lahko numerično izračunamo z analizo rezul-
tatov večdelčnih kozmoloških simulacij, pri čemer lahko to opravimo v realnem ali
Fourierovem prostoru. S tega stališča sta za opis porazdelitve temne snovi v vesolju
na voljo dva različna teoretična pristopa - Halo Model (HM) pristop in Power Spec-
trum (PS) pristop. Oba pristopa se pogosto uporabljata in čeprav se v svoji struk-
turi in izračunih bistveno razlikujeta, se rezultati, ki jih dajeta, v splošnem dobro
ujemajo. Skupna značilnost obeh pristopov je, da se močno nanašata na rezul-
tate kozmoloških simulacij, zato je njuna natančnost omejena z najboljšo dosegljivo
ločljivostjo numeričnih simulacij. Ta je v povprečju tudi do ≳ 10 redov velikosti
slabša od predvidenih najmanjših struktur, ki naj bi jih sicer tvorili delci temne
snovi v vesolju, kar pomeni, da je natančnost oz. negotovost napovedi, ki jih mod-
ela dajeta, močno odvisna od zanesljivosti izvedenih ekstrapolacij do najmanjših
relevantnih skal.
Prvotno zastavljen obseg magistrske naloge je vseboval zgolj obravnavo PS pristopa,
vendar se je po zaslugi devet mesečnega raziskovanja na Observatoriju v Trstu v
okviru programa StudyInItaly obseg naloge razširil tudi na obravnavo HM pristopa.
V tem delu bomo torej kot že omenjeno pripravili vse potrebno za posodobitev
teoretično napovedanih vrednosti fluksa sevanja gama, ki so posledica anihilacije
temne snovi, ter pridobivanje prvih rezultatov. Za uporabo v pristopu PS bomo
začeli z zbiranjem javno dostopnih rezultatov večdelčnih simulacij iz nove generacije
simulacij z izboljšanimi ločljivostmi, ter izmerili spekter moči P(k) do najmanjših
dosegljivih skal. Pri obravnavi HM pristopa se bomo osredotočili na izdelavo lastne
neodvisne kode za izvedbo izračunov, s ciljem, da izračune pridobljene z uporabo
funkcij iz članka FermiCosmo2015 posodobimo s teoretičnimi modeli, ki so nastali v
zadnjih letih, in s tem dobimo posodobljene rezultate, ki bodo primerni za uporabo
v prihodnji objavi Fermi LAT kolaboracije.
Množitelj pretoka ζ Kumulativni tok sevanja gama, ki nastanejo kot produkt
anihilacije temne snovi, prihaja iz vseh delov vesolja in ima skoraj enakomerno
kotno porazdelitev. Da bi lahko s opazovanji omejili teoretične modele, definiramo
predvideni tok sevanja gama, ki izvirajo iz anihilacije temne snovi,
dΦDM
dE0
=
c ⟨σv⟩ (ΩDM ρc)2
8πm2χ
∫
dz
e−τ(E0,z)(1 + z)3
H(z)
ζ(z)
dN
dE ′
⏐⏐⏐
E′=E0(1+z)
(9.1)
V zgornji enačbi c označuje hitrost svetlobe, ⟨σv⟩ sipalni presek za anihilacijo temne
snovi, τ je absorpcijski parameter, H je Hubblov parameter, ρc je kritična gostota
vesolja, dN/dE ′ označuje izsevan anihilacijski spekter, funkcija ζ(z) pa predstavlja
t.i. množitelj pretoka (ang. flux multiplier), ki je odvisen od porazdelitve gostote
temne snovi in ga bomo želeli izračunati z uporabo v uvodu omenjenih pristopov.
Integracija omenjenih količin poteka preko vseh objektov vzdolž smeri gledanja,
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saj seštevamo svetlobni tok sevanja gama, ki prihajajo od vseh objektov v vesolju
pri vseh rdečih premikih vse do z = 0. Ena izmed največjih kozmoloških nego-
tovosti pride v zgornjo enačbo prav iz porazdelitve gostote temne snovi oz. vrednosti
množitelja pretoka ζ(z). V HM pristopu za izračun njegove vrednosti uporabimo
enačbo
ζ(z) =
1
ρc
∫
Mmin
dM
dn
dM
M
∆(z)
3
(1 +B) ⟨F (M, z)⟩ , (9.2)
medtem ko v primeru PS pristopa uporabljamo enačbo
ζ(z) ≡
∫ kmax
0
dk
k
∆nl(k, z), (9.3)
kjer ∆nl predstavlja brezdimenzijski nelinearen spekter moči, ki ga lahko izmerimo
direktno iz kozmoloških simulacij in je definiran kot
∆nl(k, z) ≡
k3Pnl(k, z)
2π2
, (9.4)
Natančnejša izpeljava enačbe 9.3 je opisana v poglavju 6.2.
HM pristop Pristop HM, katerega podrobnejši opis najdemo v poglavju 6.1, je
prvi teoretični pristop, ki je bil uveden na področju posrednega iskanja temne snovi.
Pristop temelji na predpostavki, da je združevanje delcev temne snovi v strukture
mogoče opisati z že omenjenim pojmom “halojev” temne snovi, ki so definirani z
lastnostmi, kot so njihova masa, koncentracija, rdeč premik itd., ter manjših struk-
tur, ki se nahajajo znotraj halojev, tako imenovanih pod-halojev, ki jih lahko prav
tako opišemo z omenjenim nizom parametrov.
Kot rečeno je eden največjih virov negotovosti v omenjenem modelu ekstrapo-
lacija uporabljenih količin do majhnih mas, ki so zunaj dosega simulacij. Spodnjo
mejo integrala v enačbi 9.2 predstavlja teoretična predpostavka za najmanjšo maso
halojev, ki jih lahko tvorijo delci temne snovi v vesolju Mmin. Vrednost Mmin je
sicer odvisna od predpostavljenega teoretičnega modela, vendar se običajno giblje
v območju med Mmin ∈ [10−11, 10−3]M⊙ [13]. Med tem lahko najboljše kozmološke
simulacije dosežejo ločljivosti reda Mmin ∼ 108M⊙, kar se od dejanske mase najman-
jših nastalih halojev razlikuje za približno 11 do 19 redov velikosti. Da bi izračunali
integral v enačbi 9.2 vse do teoretično predvidenih najmanjših mas Mmin, potrebu-
jemo funkcijske odvisnosti vseh količin v enačbi določene do te mase. V primeru HM
pristopa je celotni multiplikator toka ζ produkt večih količin, ki jih je potrebno neod-
visno ekstrapolirati preko večih redov velikosti, kar v rezultate, ki jih daje model,
prinese velike negotovosti. Slednje je razlog za raziskovanje alternativnih pristopov,
kot je na primer PS pristop, o katerem bomo razpravljali v naslednjem odstavku.
PS pristop Pred kratkim so raziskovalci ugotovili, da za izračun kozmološkega
signala temne snovi ni potrebno uporabiti relativno zapletene HM slike, saj so vse
relevantne informacije o porazdelitvi temne snovi vsebovane v nelinearnem spektru
moči, ki ga je mogoče neposredno izmeriti iz simulacij. Omenjeni pristop PS torej
temelji na predpostavki, da je mogoče vse podatke o porazdelitvi gostote temne snovi
opisati z uporabo zgolj ene količine, določene v Fourierjevem prostoru - spektra moči
P . Podrobnejši opis PS pristopa najdemo v poglavju 6.2.
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Podobno vlogo, kot jo ima minimalna masa Mmin v HM pristopu, v PS pristopu
igra vrednost kmax, ki predstavlja limito, do katere nam simulacije še lahko posre-
dujejo informacije o izmerjenem spektru moči. Izračun množitelja pretoka ζ(z)
je torej ponovno omejen z ločljivostjo simulacij, le da ločljivost simulacije v tem
primeru predstavlja zgornjo mejo integracije. Da bi dobili najbolj natančne rezul-
tate, moramo ekstrapolirati spekter moči k večjim vrednostim k. Vrednosti spektra
moči pri višjih k so hkrati v končnem rezultatu tudi najpomembnejše, saj spekter
moči z večanjem k narašča in pri višjih vrednostih največ prispeva k skupni vred-
nosti integrala 9.3. Ocena napake na izračunani vrednosti ζ je močno odvisna od
presečne vrednosti kmax, kar pomeni, da je pridobivanje rezultatov iz simulacij s čim
boljšo ločljivostjo za ta izračun izrednega pomena.
HM pristop: Rezultati V tem delu si bomo ogledali rezultate pridobljene z
uporabo HM pristopa, opisali njegove tehnične podrobnosti in zapisali enačbe, ki
smo jih uporabili za izračun prikazanih rezultatov. Pridobljene rezultate bomo
primerjali z rezultati iz literature, zlasti publikacije FermiCosmo2015, ki jo želimo z
našim delom posodobiti.
V tabeli 9.1 so navedene vrednosti kozmoloških parametrov, ki jih bomo upora-
bili v predstavljenih izračunih. Izbira kozmoloških parametrov pomembno vpliva
na določanje vrednosti linearnega spektra moči in nelinearnega razvoja struktur v
vesolju, zato so od nje odvisni tudi rezultati večdelčnih simulacij. Različni kom-
pleti (ang. suite) večdelčnih simulacij pri svojih izračunih uporabljajo različne
vrednosti kozmoloških parametrov, zato je pomembno, da, kadar med seboj primer-
jamo razultate pridobljene s pomočjo različnih numeričnih simulacij, ohranimo enake
vrednosti. V vseh izračunih predstavljenih v sklopu HM pristopa bomo uporabili
Planck2013 kozmološke parametre [9], katerih vrednosti so določene v tabeli 9.1.
Izbrane parametre bomo uporabili, ker i) so skladni s trenutno najbolj natančnimi
razpoložljivimi vrednostmi, Planck2018 [3] in ii) so uporabljeni v članku Fermi-
Cosmo2015, ki ga želimo uporabiti za primerjavo z našimi rezultati za izračunano
vrednost množitelja pretoka ζ(z).
Za izračun množitelja pretoka bomo uporabili enačbo 9.2. Najprej bomo izvred-
notili funkcijo F (M, z), za katero potrebujemo najprej izračunati funkcijski odvis-
nosti σ(M, z) in c(M, z). Funkcijsko odvisnost parametra koncentracije c(M, z)
bomo izračunali po postopku, ki je predstavljen v Prada et al. (2012) [15]. Za
določitev te funkcijske odvisnosti moramo najprej izvrednotiti funkcijo σ(M, z), ki
predstavlja rms (root mean square) fluktuacije gostote v krogli z maso M pri rdečem
premiku z. Funkcijsko odvisnost σ(M, z) lahko izračunamo z uporabo nelinearnega
spektra moči P(k), okenske funkcije W (k,M) in faktorja linearne rasti D(a),
σ(M, z) = D(a)
( 1
2π2
∫ ∞
0
P(k)W 2(k,M)k2dk
)1/2
, (9.5)
ali z uporabo prilagajane (ang. fitting) funkcije rezultatom kozmoške simulacije
Bolshoi [18],
σ(M,a) = D(a)
16.9 y0.41
1 + 1.102 y0.20 + 6.22 y0.333
, y ≡ M−1. (9.6)
pri čemer je faktor linearne rasti D(a) za vrednost rdečega premika z = 0 normal-
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Ime parametra vrednost parametra
Brezdimenzijski Hubblov parameter h = 0.673,
Spektralni indeks ns = 0.9603,
Barionska gostota Ωb = 0.02205/h2,
Skupna gostota snovi Ωm = 0.315,
Gostota hladne temne snovi Ωc = 0.1199/h2,
Gostota temne energije ΩΛ = 1− Ωm,
Varianca σ8 = 0.834.
Table 9.1: Tabela vrednosti kozmoloških parametrov Planck2013, ki jih bomo
uporabili za izračune, predstavljene v sklopu HM pristopa. Brezdimenzijski Hub-
blov parameter h definira vrednost Hubblovega parametra preko enačbe H =
h 100 km s−1 Mpc−1.
iziran na ena, D(1) = 1, ter ga izračunamo kot
D(a) =
5
2
(
Ωm,0
ΩΛ,0
)1/3 √
1 + x3
x3/2
∫ x
0
x3/2dx
[1 + x3]3/2
, x ≡
(
ΩΛ,0
Ωm,0
)1/3
a, (9.7)
Pomembno je poudariti, da se izračun P(k) nanaša na rezultate simulacij. Naš
spekter moči izračunamo z uporabo Eisenstein&Hu (1998) [16] parametrizacije, ki
nam bo kasneje omogočila fizikalno motivirano ekstrapolacijo do najnižjih mas. Na
slikah spodaj naše rezultate primerjamo z rezultati izračunanimi s spektrom moči,
ki je bil uporabljen tudi za pridobivanje rezultatov v FermiCosmo2015. V svo-
jem pristopu so avtorji FermiCosmo2015 uporabili kombinacijo programske opreme
CAMB za izračun spektra moči P(k) do k ∼ 500 in nato ekstrapolirali spekter
do večjih vrednosti k z uporabo funkcije BBKS oblike [17]. Pomembno je omeniti
še, da naj bi ekstrapolacija do nižjih mas z uporabo Eisenstein&Hu pristopa, ki jo
uporabljamo, dajala natančnejše rezultate od pristopa, ki so ga uporabili avtorji
FermiCosmo2015. Primerjava funkcijskih odvisnosti σ(M) pridobljenih z različn-
ima pristopoma za izračun spektra moči je prikazana na sliki 9.1. Približek za
izračun funkcijske odvisnosti z uporabo enačbe 9.6 je veljaven pri večjih masah,
M > 107h−1M⊙, kjer je njegova natančnost boljša od 2 %, medtem ko funkcija pri
manjših masah ne daje pravilnih vrednosti. Primerjava različnih odvisnosti σ(M, z)
pri ničelnem rdečem premiku z = 0 je prikazana na sliki 9.1.
Ker je formula 9.6 veljavna le pri večjih masah, bo uporaba te funkcijske odvis-
nosti v nadaljnih izračunih c dajala netočne rezultate, kar lahko vidimo že na sliki
9.2, kjer so predstavljene odvisnosti parametra koncentracije c(M, z) pri z = 0
dobljeni z uporabo dveh različnih spektrov moči ali neposredno uporabo formule
9.6 za izračun σ. Naši rezultati so prikazani v modri barvi (Eisenstein&Hu), rezul-
tati dobljeni z uporabo spektra moči, ki so ga uporabili avtorji FermiCosmo2015,
pa so prikazani v črni barvi (CAMB + extrapol.). Odvisnost dobljena z uporabo
“poenostavljene” formule so prikazani v rdeči barvi (oversimplified fitting formula).
Spodaj je opisan postopek za izračun vrednosti parametra koncentracije c, ki
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Figure 9.1: Funkcija σ(M) pri rdečem premiku z = 0 izračunana bodisi z uporabo
enačbe 7.1, v kateri uporabimo Eisenstein&Hu spekter moči (modra krivulja) ali
CAMB spekter moči ekstrapoliran s funkcijo BBKS oblike (črna krivulja), bod-
isi neposredno z uporabo prilagajane (ang. fitting) formule 7.3 (rdeča krivulja).
Uporaba Eisenstein&Hu spektra moči daje pri masi 10−10 h−1M⊙ za približno 25 %
višje rezultate od uporaba ekstrapoliranega CAMB spektra moči.
ga uporabimo po tem, ko izračunamo funkcijo σ(M, z) po enem od zgoraj opisanih
postopkov,
c(M, z) = B0(x) C(σ′), (9.8)
σ′ = B1(x)σ(M,x), (9.9)
C(σ′) = A
[(
σ′
b
)c
+ 1
]
exp
(
d
σ′2
)
. (9.10)
Pri tem za izračun funkcij B0 in B1 uporabimo izraze
B0(x) =
cmin(x)
cmin(1.393)
, B1(x) =
σ−1min(x)
σ−1min(1.393)
, (9.11)
kjer sta funkciji cmin in σ−1min definirani kot
cmin(x) = c0 + (c1 − c0)
[
1
π
arctan [α (x− x0)] +
1
2
]
(9.12)
σ−1min(x) = σ
−1
0 + (σ
−1
1 − σ−10 )
[
1
π
arctan [β (x− x1)] +
1
2
]
, (9.13)
vrednosti parametrov, ki se v njih uporabljajo v zgornjih dveh enačbah in v enačbi
9.10 pa so določeni v tabeli 9.2 spodaj.
Funkcija F Funkcija F (M, z) je močno odvisna od vrednosti parametra koncen-
tracije c in jo definiramo enako, kot je definirana v FermiCosmo2015,
F (M, z) ≡ c3(M, z)
∫ c
0
dx x2κ2(x)[∫ c
0
dx x2 κ(x)
]2 , (9.14)
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Figure 9.2: Odvisnost parametra koncentracije c od mase M pri rdečem premiku
z = 0. Polna modra krivulja predstavlja rezultate, pri katerih smo za izračun σ(M, z)
uporabili Eisenstein&Hu spekter moči, polna črna krivulja pa rezultate, kjer smo
za izračun σ(M, z) uporabili s funkcijo oblike BBKS ekstrapoliran CAMB spekter
moči. Rdeča krivulja je izračunana z uporabo prilagajane funkcije iz enačbe 9.6.
Vidimo, da rdeča krivulja pri manjših masah ni sploščena kot ostali dve krivulji,
saj je njena funkcijska odvisnost veljavna le pri velikih masah, kjer je ujemanje
z drugima dvema krivuljama ustrezno. Razmerje med rdečo in modro (ali črno)
krivuljo pri nižjih masah je reda ∼ 5 pri M ∼ 10−10 h−1M⊙. V vseh izračunih so
bili uporabljeni Planck 2013 kozmološki parametri.
A b c d
2.881 1.257 1.022 0.060
c0 c1 α x0
3.681 5.033 6.948 0.424
σ−10 σ−11 β x1
1.047 1.646 7.386 0.526
Table 9.2: Po vrsti od zgoraj navzdol zapisane vrednosti parametrov, ki jih upora-
bimo za izračun funkcij zapisanih v enačbah 9.10, 9.12 in 9.13.
z Navarro-Frenk-White [14] gostotnim profilom
κ(x) =
ρc
x (1 + x)2
. (9.15)
Rezultati funkcije F (M, z) so prikazani na sliki 9.3. Vidimo, da funkcija uporabljena
v FermiCosmo2015 (črna krivulja) in funkcija, ki uporablja Eisenstein&Hu spekter
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moči (modra krivulja), vodita do relativno podobni rezultatov, ki se razlikujeta za
faktor ∼ 1.2 pri masi 105 h−1M⊙ in faktor ∼ 1.7 pri 10−10 h−1M⊙.
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Figure 9.3: Odvisnost funkcije F od mase M pri rdečem premiku z = 0. Barvno
kodiranje je enako kot na sliki 9.2. Ker je funkcija F močno odvisna od parametra
koncentracije c, vidimo, da sta si obliki obeh funkcij zelo podobni. Krivulje se pri
velikih masah dobro ujemajo, medtem ko je razmerje med rdečo in modro (črno)
krivuljo reda ∼ 40 (∼ 70) pri majhni masi M ∼ 10−10 h−1M⊙, kot je pričakovano
zaradi kubične odvisnosti od parametra koncentracije c v enačbi 9.14.
Funkcija mase halojev Za izračun funkcije mase halojev bomo ponovno upora-
bili enačbe predstavljene v [19] s parametri predstavljenimi v Prada et al. (2012)
[15],
dn
dM
= f(σ)
ρm
M
d log σ−1
dM
, (9.16)
kjer je funkcija f(σ) podana z izrazom
f(σ) = A
[
1 +
(σ
b
)−a]
exp
(
− c
σ2
)
, (9.17)
s parametri A = 0.213, a = 1.80, b = 1.85 in c = 1.57. Odvod funkcije σ(M, z)
po masi lahko izračunamo numerično. Odvisnost funkcije mase halojev od mase
M je prikazana na sliki 9.4. Ponovno vidimo, da funkcija uporabljena v Fermi-
Cosmo2015 (črna krivulja) in funkcija, ki uporablja Eisensteinu&Hu spekter moči
(modra krivulja), privedeta do sorazmerno podobne masne funkcije in se pri masi
105 h−1M⊙ razlikujeta približno za faktor ∼ 1.2, pri masi 10−10 h−1M⊙ pa približno
za faktor ∼ 0.7.
Ojačitveni faktor (ang. boost factor) V tem razdelku bomo predstavili tri
različne prilagajane funkcije za ojačitveni faktor B, ki podaja informacijo o tem,
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Figure 9.4: Odvisnost funkcije mase halojev dn/dM(M, z) od mase M pri rdečem
premiku z = 0. Barvno kodiranje je ponovno enako kot na prejšnjih dveh slikah.
Opomnimo, da prilagajana formula za odvisnost σ(M) (rdeča krivulja) ne daje
pravilnih vrednosti pri majhnih masah.
za koliko se signal sevanja gama poveča zaradi prisotnosti podstruktur znotraj
posameznih halojev temne snovi. Kot prvo bomo uporabili prilagajano funkcijo,
ki jo podaja [20],
log10B(M, z = 0) =
5∑
i=0
bi
[
ln
(
M
M⊙
)]i
. (9.18)
Vrednosti parametrov bi so podane v tabeli 9.3. Natančnost te parametrizacije
je znotraj 5% v masnem območju 106M⊙ < M < 1016M⊙. Slednja prilagajana
funkcija za ojačitveni faktor je uporabljena tudi v izračunih množitelja pretoka ζ
v FermiCosmo2015, zato jo bomo v grafih poimenovali kar FermiCosmo2015 boost.
Poleg te funkcije bomo za izračune uporabili tudi novejše delo Moliné et al. (2017)
[21], ki predstavlja natančnejšo parametrizacijo za ojačitveni faktor, saj upošteva
razlike v evolucijskih lastnostih med haloji in njihovimi substrukturami
log10B(M, z = 0) =
5∑
i=0
bi
[
log
(
M
M⊙
)]i
. (9.19)
Obe parametrizaciji sta prikazani na sliki 9.5. Enačba 9.18 je prikazana z zeleno
krivuljo, Moliné et al. (2017) parametrizacija pa je za dva različna primera (α = 2
in α = 1.9) prikazana v vijolični barvi.
Množitelj toka Množitelj toka ζ(z) je končna količina, ki jo želimo izračunati
v tem delu. Vnese se neposredno v izračun toka sevanja gama kot je definirano v
enačbi 9.1. Za množitelj toka uporabljamo izraz, opredeljen v FermiCosmo2015, ki
smo ga že navedli v enačbi 9.2. Poglejmo najprej funkcijo, ki nastopa v integralu
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Figure 9.5: Odvisnost ojačitvenega faktor B od mase M . Zelena krivulja
prikazuje funkcijsko odvisnost ojačitvenega faktorja, ki se uporablja v članku Fermi-
Cosmo2015, opredeljeno v enačbi 9.18 s parametri iz tabele 9.3. Dve vijolični krivulji
prikazujeta posodobljeni prilagajani odvisnosti ojačitvenega faktorja od mase pred-
stavljeni v Moliné et al. (2017) [21], enačba 9.19, za dve različni parametrizaciji α.
Vrednosti parametrov obeh funkcij so prav tako prikazane v tabeli 9.3.
i bi α 2 1.9
0 -0.442 b0 -0.186 −6.8× 10−2
1 0,0796 b1 0,144 9, 4× 10−2
2 -0,0025 b2 −8, 8× 10−3 9, 8× 10−3
3 4, 77 · 10−6 b3 1, 13× 10−3 1, 05× 10−3
4 4, 77 · 10−6 b4 −3, 7× 10−5 −3, 4× 10−5
5 −9.69 · 10−8 b5 −2× 10−7 −2× 10−7
Table 9.3: Parametri uporabljeni za izračun ojačitvenih faktorjev v enačbi 7.14 (levi
stolpec) in v enačbi 7.15 za dve različni parametrizaciji α = 2 in α = 1.9 (desna dva
stolpca tabele).
omenjene enačbe,
finteg.(M, z) =
dn
dM
M
∆(z)
3
(1 +B) ⟨F (M, z)⟩. (9.20)
Funkcijska odvisnost je prikazana na sliki 9.6. Modri krivulji prikazani na tej sliki sta
pridobljeni z uporabo Eisenstein&Hu spektra moči. Ob tem polna modra krivulja
upošteva FermiCosmo2015 ojačitveni faktor, črtkana krivulja pa posodobljeni Moliné
ojačitveni faktor. Črna krivulja predstavlja odvisnost izračunano s spektrom moči
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in ojačitvenim faktorjem, ki sta bila uporabljena v FermiCosmo2015.
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Figure 9.6: Odvisnost integracijske funkcije finteg. definirane z enačbo 7.17 od
mase M pri rdečem premiku z = 0. Modri krivulji prikazani sta pridobljeni z
uporabo Eisenstein&Hu spektra moči, pri čemer polna modra krivulja upošteva Fer-
miCosmo2015 ojačitveni faktor, črtkana krivulja pa posodobljeni Moliné ojačitveni
faktor. Črna krivulja predstavlja odvisnost, v kateri so funkcije izvrednotene s spek-
trom moči in ojačitvenim faktorjem, ki sta bila uporabljena v FermiCosmo2015.
Ker so si krivulje prikazane na sliki 9.6 zelo podobne in pokrivajo širok razpon
vrednosti, je na sliki 9.7 prikazano razmerje funkcij. Prikazani krivulji sta dobljeni z
deljenjem Eisenstein&Hu pristopa s pristopom avtorjev FermiCosmo2015, pri čemer
v primeru oranžne krivulje uporabimo FermiCosmo2015 ojačitveni faktor, v primeru
rjave krivulje pa posodobljeni Moliné ojačitveni faktor pri vrednosti parametra α =
2. Iz slike razberemo, da posodobljeni rezultati izračunani z uporabo Eisenstein&Hu
spektra moči in Moliné ojačitvenega faktorja dosežejo do približno ∼ 2.4-krat večje
vrednosti integracijske funkcije kot uporaba funkcij iz FermiCosmo2015.
Uporaba numerične integracije za izračun množitelja toka ζ(Mmin, z = 0) iz
enačbe 7.16 da rezultate, ki so prikazani na sliki 9.8. Iz grafa je razvidno, da vred-
nosti FermiCosmo2015 ζ postanejo večje za faktor ∼ 1.3, če uporabimo posodobljen
Eisenstein&Hu spekter moči (razmerje med polno modro krivuljo in črno krivuljo),
oz. za faktor ∼ 2 višje, če dodamo še posodobljen Moliné ojačitveni faktor (razmerje
med modro črtkano in črno krivuljo).
Če povzamemo: naši rezultati kažejo, da se, če uporabimo natančnejši Eisen-
stein&Hu pristop za izračun linearnega spektra moči in posodobljen ojačitveni faktor
predstavljen v članku Moliné et al. (2017), vrednosti ζ(0) povečajo za faktor 2 glede
na vrednosti iste količine izračunane z uporabo funkcij iz članka FermiCosmo2015.
Povečana vrednost ζ bi tako lahko privedla do dvakrat močnejših omejitev na last-
nosti temne snovi, če bi za analizo uporabili enake podatke in astro-modeliranje kot
v prispevku FermiCosmo2015.
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Figure 9.7: Odvisnost razmerja integracijskih funkcij finteg.(M, z) od mase M pri
rdečem premiku z = 0. Prikazani krivulji sta dobljeni z deljenjem Eisenstein&Hu
pristopa s pristopom avtorjev FermiCosmo2015, pri čemer v primeru oranžne
krivulje uporabimo FermiCosmo2015 ojačitveni faktor, v primeru rjave krivulje pa
posodobljeni Moliné ojačitveni faktor pri vrednosti parametra α = 2.
Pristop PS: Rezultati Da bi zmanjšali negotovost vrednosti množitelja toka
ζ(z), želimo spekter moči izmeriti direktno z uporabo večdelčnih kozmoloških sim-
ulacij s kar najboljšo masno ločljivostjo, tj. do najvišjih možnih vrednosti k. S tem
namenom smo za naše izračune izbrali nedavno izvedeno Lomonosov simulacijo,
ki ima dobro ločljivost (primerljivo z največjimi simulacijami izvedenimi do sedaj,
kot je na primer Millennium II simulacija), hkrati pa uporablja posodobljene vred-
nosti kozmoloških parametrov izmerjene s satelitom Planck (v Millennium II sim-
ulaciji so uporabil sedaj zastarele vrednosti kozmoloških parametrov pridobljenih
v prvem letu WMAP , ki niso skladni z zadnjimi Planckovimi vrednostmi). Poleg
tega je Lomonosova simulacija i) del zbirke MultiDark, za katere bodo predvidoma
kmalu na voljo dodatne simulacije s še višjo ločljivostjo in ii) v sklopu Lomonosove
simulacije je bilo prav tako izvedenih več pobližanih (ang. zoom-in) simulacij, tj.
simuliranje evolucije porazdelitve gostote temne snovi na manjšem prostoru z višjo
ločljivostjo. V pobližanih simulacijah lahko ista računalniška moč simulira vesolje
z uporabo delcev z manjšimi masami kot v primeru večjih simulacij, kar omogoča
boljšo ločljivost in posledično bolj natančne rezultate. V nadaljevanju bomo torej
predstavili rezultate pridobljene z uporabo Lomonosov simulacije v polni velikosti,
medtem ko meritev spektra moči z uporabo pobližanih simulacij in meritev spektra
moči iz prihajajočih MultiDark kozmoloških simulacij puščamo za prihodnje delo.
Simulacija Lomonosov je sestavljena iz štirih simulacij (ena simulacija polne ve-
likosti in tri povečane simulacije), ki simulirajo obnašanje temne snovi v vesolju.
Izvedena je bila na super-računalniku Lomonosov računalniškega centra Moskovske
državne univerze 1. Pri tem so uporabili enake kozmološke parametre (Planck 2013
1http://parallel.ru
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Figure 9.8: Odvisnost množitelja toka ζ(Mmin, z) od minimalne mase halojev Mmin
pri rdečem premiku z = 0. Barvno kodiranje je enako kot na sliki 9.6. Rezul-
tati kažejo, da če pri izračunu spektra moči P(k, z) preidemo na ustreznejši Eisen-
stein&Hu pristop (polna modra krivulja), doseže množitelj toka ζ za približno
∼ 1.3-krat višje vrednosti od rezultatov, ki jih dobimo z uporabo spektra moči
izračunanega po pristopu avtorjev FermiCosmo2015 (črna krivulja). Če dodamo
posodobljen Moliné ojačitveni faktor (modra črtkana krivulja), postanejo vrednosti
približno ∼ 2-krat večje od FermiCosmo2015 vrednosti (črna krivulja).
[9]), kot smo jih uporabljali pri izračunih v sklopu pristopa HM. Simulacija polne ve-
likosti zajema polje z dimenzijami L = 32h−1 Mpc, pri čemer imajo delci uporabljeni
v simulaciji maso M = 2 · 107 h−1M⊙ in s tem določajo masno ločljivost simulacije
[24]. V istem sklopu so bile izvedene tudi tri dodatne povečane simulacije, ki prikazu-
jejo razvoj porazdelitve gostote temne snovi na manjših območjih, pri čemer imajo
delci uporabljeni v teh simulacijah maso M = 4 · 104 h−1M⊙, kar pomeni, da je
ločljivost povečanih simulacij skoraj 3 rede velikosti boljša od ločljivosti polne sim-
ulacije. V posameznih simulacijah je bilo uporabljenih 5123 delcev, kar v primeru
treh povečanih simulacij efektivno ustreza 40963 delcem. Posnetki simulacij so bili
narejeni ob različnih rdečih premikih z, z minimalnim rdečim premikom z = 1. Av-
torji simulacij še vedno delajo na posnetku pri rdečem premiku z = 0, ki bo kmalu
na voljo za uporabo.
Merjenje spektra moči iz simulacijskega posnetka pri določenem rdečem pre-
miku z se izvede z uporabo metode, ki temelji na hitri Fourierjevi transformaciji
porazdelitve gostote. Kot smo že omenili, lahko množitelj toka ζ(z) izračunamo z
uporabo nelinearnega spektra moči, Pnl(k, z) oz. brezdimenzijskega spektra moči
∆nl(k) = 4πk
3Pnl(k),, kot je to zapisano v enačbi 9.3. Iz enačbe vidimo, da je
vrednost ζ(z) odvisna od ∆nl(k) in vrednosti kmax, ki predstavlja zgornjo mejo inte-
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gracije. Nelinearni spekter moči se neposredno izračuna iz dane večdelčne simulacije,
medtem ko je vrednost preseka kmax odvisna od predlaganega teoretičnega modela
delcev temne snovi. Vrednost ζ(z) je močno odvisna od vrednosti kmax, saj k vred-
nosti integrala najbolj prispeva prav spekter moči pri velikih vrednostih k [25]. Za
natančno določitev vrednosti ζ(z) je zato ključno izmeriti odvisnost ∆nl(k) do kar se
da velikih vrednosti k. Spekter moči smo izmerili s pomočjo kode PowerI4 2, ki jo
je izdelal E. Sefusatti [26], s katerim smo sodelovali v sklopu programa StudyInItaly.
Za uporabo kode na simulacijah Lomonosov (in na splošno na simulacijah iz sklopa
MultiDark), je bilo potrebno spremeniti nekatere parametre, kot na primer velikost
omrežne gostote, ki je običajno omejena s pomnilnikom računalnika.
Brezdimenzijski nelinearni spekter moči ∆nl(k), izmerjen s polno Lomonosov
simulacijo pri rdečem premiku z = 1, je prikazan na sliki 9.9. Rezultate, ki smo
jih pridobili z uporabo simulacije Lomonosov (črna krivulja), na grafu primerjamo
z rezultati, ki so jih dobili z uporabo simulacij Millennium (MS) in Millennium II
(MSII) 3 [27] in so predstavljeni v članku [26]. Polne tanke krivulje predstavljajo
vrednosti Poissonskega šuma meritev Sn(k), ki so obratno sorazmerne s povprečnim
številom delcev uporabljenih v simulaciji, n̄ = Np/L3, kjer je L velikost simulacije
in Np = N3 skupno število delcev,
Sn(k) =
4π k3
(2π)3 n̄
=
k3
4π2
L3
Np
. (9.21)
Razlika med izmerjenimi spektri moči na simulacijah Lomonosov in Millennium (II)
je posledica različnih vrednosti kozmoloških parametrov, ki so bili uporabljeni pri
izvedbi posameznih simulacij. Kljub temu vidimo, da se oblika in nakloni krivulj
med seboj dobro ujemajo. Na sliki 9.11 so prikazani tudi izmerjeni spektri moči z
uporabo simulacije Lomonosov, ki so bili izmerjeni pri nekaterih višjih vrednostih
rdečega premika z.
Omenili smo že, da je cilj večdelčnih simulacij modeliranje formiranja delcev
temne snovi v strukture in da pri tem dosežemo masne ločljivosti, ki so po redu
velikosti čim bližje masam najmanjših halojev temne snovi. Tem se lahko približamo
z uporabo pobližanih simulacij, ki simulirajo manjši del vesolja z višjo ločljivostjo, ali
z uporabo večdelčnih simulacij iz sklopa MultiDark 4 [23], ki bodo kmalu na voljo in
uporabljajo enake kozmološke parametre kot simulacija Lomonosov. Te simulacije
bodo dosegle veliko boljšo ločljivost polnih kozmoloških simulacij. Z avtorji smo
v stiku in bomo lahko spekter moči na teh simulacijah izmerili, ko bodo postale
javno dostopne. Podatki o številu delcev in velikosti simulacij, ki se izvajajo v
okviru tega projekta, so zapisani v tabeli 9.4. Informacije predstavljene v tabeli
lahko uporabimo za izračun vrednosti Poissonskega šuma posameznih simulacij, ki
so grafično prikazani na sliki 9.10. Na grafu so predstavljene izboljšane vrednosti
Poissonskega šuma skupaj z vrednostmi šuma simulacij Lomonosov in Millennium
(II). Iz slike je razvidno, da bosta zlasti simulaciji “Small” (SMDPL) in “Very Small”
(VSMDPL) MultiDark prinesli znatne izboljšave na področju ločljivosti.
Izmerjene spektre moči, ki so omejeni z ločljivostjo uporabljene simulacije, je
potrebno za izračun množitelja toka ζ ekstrapolirati do večjih vrednosti kcutoff ∼
kmax. V FermiCosmo2015 so avtorji uporabili izmerjeni spekter moči do točke k∗,
2https://github.com/sefusatti/PowerI4
3https://wwwmpa.mpa-garching.mpg.de/millennium
4https://www.cosmosim.org/cms/documentation/projects/multidark-bolshoi-project
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Figure 9.9: Brezdimenzijski nelinearni spekter moči ∆nl(k) izmerjen z uporabo polne
Lomonosov simulacije pri rdečem premiku z = 1 (črna krivulja) v primerjavi z rezul-
tati izmerjenimi z uporabo simulacij Millennium in Millennium II (modra in rdeča
krivulja) pri istem rdečem premiku. Polne tanke krivulje predstavljajo ustrezne
vrednosti Poissonskega šuma. Odmik med rezultati MS (II) in Lomonosovim je
posledica uporabe različnih kozmoloških parametrov in je v povprečju reda ∼ 1.5.
ki ustreza vrednosti, pri kateri je Poissonski šum na ravni 1 % celotne vrednosti
izmerjenega spektra, oz. k∗ ∼ 200. Od vrednosti k∗ do pričakovane mejne vrednosti
kcutoff ∼ 107 so izvedli dve vrsti ekstrapolacij:
• konzervativno ekstrapolacijo, ki temelji na predpostavki, da je spekter moči
od vrednosti k∗ naprej raven, tj. ∆(k) = konst. za k > k∗,
• optimistično ekstrapolacijio, ki temelji na predpostavki, da je naklon izmer-
jenega spektra moči pri vrednostih večjih od k∗ enak kot pred k∗ (kar napove
previsoke vrednosti spektra moči, saj naj bi se funkcija pri večjih vrednostih
k izravnala).
Ko bodo naše meritve izvedene z uporabo novejših simulacij iz sklopa MultiDark,
bomo za ekstrapolacijo izmerjenega spektra moči tudi na naših rezultatih uporabili
omenjeni postopek.
Zaključek Iskanje signala temne snovi v astrofizikalnih podatkih je eden najbolj
obetavnih načinov za iskanje temne snovi, ki lahko potencialno reši dolgoletno
uganko fizikalne narave delcev temne snovi. Zahvaljujoč visokoenergetskim as-
trofizikalnim eksperimentom, ki so se izvajali v preteklem desetletju, so se močno
izboljšale limite za parametre enega najbolj priljubljenih kandidatov za opis delcev
temne snovi, WIMP, pri majhnih masah (≲ 100 GeV). Nekatere najstrožje limite so
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Simulacija L N šumenje hrupa
Lomonosov 32 Mpc h−1 512 9,84 ×10−7
Millennium 500 Mpc h−1 2160 5,00 ×10−5
Millennium II 500 Mpc h−1 2160 4.00 ×10−7
MultiDark-Planck (MDPL) 1 Gpc h−1 38403 7.118 ×10−8
MDPL2 1 Gpc h−1 38403 7.118 ×10−8
BigMDPL 2,5 Gpc h−1 38403 1,112 ×10−6
SMDPL 400 Mpc h−1 38403 4,555 ×10−9
BolshoiP in 250 Mpc h−1 20483 7.330 ×10−9
VSMDPL 160 Mpc h−1 38403 2.916 ×10−10
HugeMDPL 4 Gpc h−1 40963 3.754 ×10−6
Table 9.4: Tabela prikazuje podatke o velikosti L in število uporabljenih delcev
Np = N
3 v različnih simulacijah skupaj z izračunanimi vrednostmi za Poissonski
šum. Vrednosti Poissonskega šuma pri vseh naštetih simulacijah so prikazane na
sliki 9.10.
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Figure 9.10: Vrednosti Poissonskega šuma iz različnih večdelčnih kozmoloških sim-
ulacij omenjenih v tem poglavju. Vrednosti Poissonskega šuma so bile izračunane s
pomočjo podatkov iz tabele 9.4.
bile pridobljene prav na podlagi podatkov Fermi LAT eksperimenta, ki temelji na
zaznavi sevanja gama. Kozmološki signal sevanja gama iz anihilacije delcev temne
snovi, tj. kumulativni signal, ki prihaja iz anihilacije delcev temne snovi iz vseh halo-
jev temne snovi pri vseh rdečih premikih v vesolju, se je izkazal kot konkurenčen v
iskanju temne snovi s pomočjo Fermi LAT eksperimenta, zlasti v masnem območju
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Figure 9.11: Brezdimenzijski nelinearni PS, ∆(k), izmerjen z Lomonosovo simulacijo
pri štirih različnih vrednostih rdečega premika z.
≳ 100 GeV.
V tem trenutku najsodobnejše limite na tem področju so bile predstavljene v
članku FermiCosmo2015. Od objave tega dela je prišlo do več pomembnih tako
eksperimentalnih kot teoretičnih izboljšav, zato si člani kolaboracije Fermi LAT
prizadevajo za ponovne izračune limit z uporabo i) podatkov zbranih v skoraj dvana-
jstih letih, ii) posodobljenega modeliranja astrofizikalnih ozadij in iii) posodobljenih
teoretičnih napovedi za kozmološki signal temne snovi. Izračuni v tej nalogi so del
te pobude in predstavljajo prizadevanje za prispevek k točki iii).
V naših izračunih smo se osredotočili na izračun tako imenovanega množitelja
toka ζ, ki ga lahko izračunamo na dva načina: z uporabo t.i. Halo Model (HM)
pristopa ali Power Spectrum (PS) pristopa. Naši rezultati kažejo, da se vrednosti
množitelja toka ζ povečajo približno za faktor 2 glede na vrednosti izračunane s
količinami iz FermiCosmo2015, če v izračunih uporabimo natančnejšo vrednost lin-
earnega spektra moči Plin in posodobljene vrednosti ojačitvenega faktorja B, ki so
bile predstavljene v Moliné et al. (2017). Povečana vrednost ζ bi privedla do dvakrat
močnejših limit na lastnosti temne snovi, če bi za analizo uporabili enake Fermi LAT
podatke in astro-modeliranje kot v prispevku FermiCosmo2015.
V okviru pristopa PS smo izmerili spekter moči polne Lomonosov simulacije in
naše rezultate primerjal s spektrom moči, ki je bil izmerjen z uporabo simulacij
Millennium in Millennium II. Simulacija Millennium II je kozmološka simulacija s
trenutno najvišjo ločljivostjo, vendar pa simulacija Lomonosov in druge simulacije
iz sklopa MultiDark že skoraj dosežejo ločljivost MSII in jo bodo kmalu presegle.
To nam omogoča, da bomo lahko z uporabo novejših simulacij rezultate iz Fermi-
Cosmo2015 posodobili z bolj natančnimi. Ugotovili smo, da se spektra moči izraču-
nana z uporabo simulacije MSII in simulacije Lomonosov po obliki ujemata, razliko
med njima pa predstavlja povprečen odmik reda ∼ 1.5. Ta je posledica uporabe
različnih vrednosti kozmoloških parametrov. Če torej povzamemo: v nalogi smo
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za pridobitev rezultatov uporabili simulacijo Lomonosova v polni velikosti, meritev
spektra moči z uporabo približanih (ang. zoom-in) simulacij ter prihajajočih Multi-
Dark kozmoloških simulacij pa puščamo za prihodnje delo. Z avtorji novih simulacij
smo v stiku in bomo spekter moči izmerili z uporabo novejših simulacij, ko bodo
rezultati teh javno dostopni. Pomembno izboljšanje resolucij je pričakovano zlasti v
primeru simulacij “Small” (SMDPL) in “Very Small” (VSMDPL) MultiDark.
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